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Abstract. An X17 class (GOES soft X-ray) two-ribbon solar flare on October 28, 2003 is analyzed

in order to determine the relationship between the timing of the impulsive phase of the flare and the

magnetic shear change in the flaring region. EUV observations made by the Transition Region and
Coronal Explorer (TRACE) show a clear decrease in the shear of the flare footpoints during the flare.

The shear change stopped in the middle of the impulsive phase. The observations are interpreted in

terms of the splitting of the sheared envelope field of the greatly sheared core rope during the early

phase of the flare. We have also investigated the temporal correlation between the EUV emission from

the brightenings observed by TRACE and the hard X-ray (HXR) emission (E > 150 keV) observed

by the anticoincidence system (ACS) of the spectrometer SPI on board the ESA INTEGRAL satellite.

The correlation between these two emissions is very good, and the HXR sources (RHESSI) late in

the flare are located within the two EUV ribbons. These observations are favorable to the explanation

that the EUV brightenings mainly result from direct bombardment of the atmosphere by the energetic

particles accelerated at the reconnection site, as does the HXR emission. However, if there is a high

temperature (T > 20 MK) HXR source close to the loop top, a contribution of thermal conduction to

the EUV brightenings cannot be ruled out.

1. Introduction

A two-ribbon structure in the chromosphere and transition region (e.g., in Hα, UV,
and EUV) is often seen during a solar flare, especially for those long-duration events
associated with coronal mass ejections (CMEs). The magnetic reconnection model
proposed by Carmichael (1964), Sturrock (1966), Hirayama (1974), and Kopp and
Pneuman (1976) (the CSHKP model) suggests that for an eruptive flare or CME,
field lines open and then merge and reconnect at progressively higher altitudes
in the corona. The EUV ribbons are the footprints in the transition region of the



326 Y.N. SU ET AL.

closed, reconnected field lines which are typically filled with hot coronal plasma
in the form of postflare loops.

There are two proposed mechanisms for producing the EUV ribbon emission:
thermal conduction from the reconnected loops, and direct bombardment of the
lower atmosphere by accelerated particles from the reconnection site (Fletcher and
Hudson, 2001). A close temporal relationship between the hard X-ray (HXR) and
UV emission during the impulsive phase in solar flares was reported by Kane and
Donnelly (1971) and Kane, Frost, and Donnelly (1979) using data from OGO and
OSO satellites and was also found by SMM, when HXR and UV light curves were
seen to be simultaneous to within 1 s (Woodgate et al., 1983; for a review, see
Fletcher, 2002).

Cheng et al. (1981) and Cheng, Tandberg-Hanssen, and Orwig (1984) made
the first attempt to study the spatial structure of UV bursts using the UV obser-
vations with spatial resolution of a few seconds of arc obtained by UVSP. Their
study showed that: (a) there was considerable preflare activity with UV transient
brightenings occurring in many small point-like kernels; and (b) individual peaks
in the HXR bursts can be identified with individual peaks in the UV bursts of indi-
vidual flaring kernels. The recent observations from Transition Region and Coronal
Explorer (TRACE), Yohkoh, and BATSE reported by Warren and Warshall (2001)
showed that the initial HXR burst was positively correlated only with footpoints that
showed no pre-HXR activity, which indicated that energy release during the preflare
and impulsive phase of the flare was occurring on different loops. A comparison of
HXR emission and EUV emission measured at the locations of the HXR sources
was reported by Fletcher and Hudson (2001), who found that the light curves map
to one another quite well. However, due to the TRACE time resolution of the event
they reported, they could only establish that the two peaks are within 20 s of each
other.

It is well known that during a two-ribbon flare the two footpoint ribbons, residing
in opposite magnetic polarities, expand outward and away from each other (Svestka
and Cliver, 1992). Some recent papers even reported an anticorrelation between
the time profile of the separation distance of the conjugate footpoints and that
of the HXR emission in a flare on September 9, 2002 (Ji et al., 2004a,b; Huang
and Ji, 2005). In addition to the ribbon separation in the direction perpendicular
to the magnetic inversion line (MIL), which is predicted generically by the two-
dimensional magnetic reconnection model, motions of the footpoints parallel to the
direction of the MIL during flares have also been found by several authors. Masuda,
Kosugi, and Hudson (2001) reported observations of the evolution of the HXR
(Yohkoh/HXT) footpoints from a strong to a weak sheared structure, which was
also found in Hα (Sartorius Refractor at Kwasan Observatory; Asai et al., 2003)
observations. A shear change of the footpoints observed at HXR (RHESSI) and
microwave (Nobeyama Radioheliograph) was also reported by Kundu, Schmahl,
and Garaimov (2004). This strong-to-weak shear change of the footpoints reflects a
decrease in the shear of the newly reconnected loops during the course of the flare.
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It should be noted that this decrease of the magnetic shear means that the outer
magnetic field has weaker magnetic shear, and it does not mean that the magnetic
shear is reducing during a flare.

In this paper, we focus on the question of what changes occur when a flare
goes from the impulsive phase to the main phase. What causes this change, and
how? The magnetic shear may show abrupt changes during a flare as reported
in the above papers. The question we address here is: could the change from the
impulsive to gradual phase be related to the magnetic shear change? For example,
does the transition from the impulsive phase to the gradual phase occur as the initial
flare brightenings evolve out of the filament channel into the larger surrounding
volume?

To answer this question, we have selected a particularly well-observed X17 solar
flare on October 28, 2003, which shows obvious shear change via the evolution of
the EUV footpoints observed by TRACE, and examined the temporal evolution as
well as the rate of change of the shear. The main observational data are summarized
in Section 2. In Section 3.1 we present the comparison of EUV and HXR emission,
and in Section 3.2 we study the pre-HXR EUV brightenings. The identification of
the conjugate footpoints is described in Section 4.1. In Section 4.2 we focus on
describing the decrease of the shear of the EUV footpoints, which is an apparent
motion of the footpoints during the flare. The EUV emission mechanism of the
brightenings is discussed in Section 5.1. Our interpretation of the evolution of the
shear of the EUV footpoints is discussed in detail in Section 5.2. Conclusions are
given in Section 6.

2. Observations

An X17 (GOES soft X-ray class) two-ribbon solar flare occurred in NOAA active
region 10486 on October 28, 2003 at ≈11:00 UT. The main observational data used
in this investigation were obtained simultaneously by the TRACE (Handy et al.,
1999) and the anticoincidence system (ACS) of the SPI spectrometer on board the
ESA INTEGRAL satellite (Attié et al., 2003; Vedrenne et al., 2003). In addition to
this large event, a filament eruption was seen in EUV (TRACE) and in Hα images
(Figure 4 in Schmieder et al., 2006 and Figure 2 in Wang et al., 2005) about 40 min
before the X17 solar flare and following a soft X-ray/EUV event which occurred
about 10 min earlier (≈9:50 – 10:10 UT). Even though this filament eruption and
the large flare that we studied involved the same magnetic inversion line, it is not
clear whether they were related to each other, because of the large time difference.
In this paper, we focus only on the X17 event.

During this event, SPI was observing the IC443 supernova remnant. Technical
constraints fixed the satellite altitude in such a way that solar photons arrived at
122◦ from the telescope axis. At this incidence angle, the photons have to cross the
satellite platform and the ACS of SPI. While the satellite platform practically is
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Figure 1. Light curves of the EUV and HXR emission. The SPI/ACS HXR light curve of the solar

flare on October 28, 2003 is displayed in the top panel; the two lines mark the time range of the

enlarged HXR light curve in the bottom panel, and nine spikes are marked by nine vertical lines.

The summed TRACE/EUV light curve from all the brightenings is displayed via the dashed line with

asterisk signs in the bottom panel.

transparent to the photons at such energies, the SPI/ACS system, composed of 5 cm
thick BGO blocks, provides efficient shielding to photons arriving at the Germanium
camera. On the other hand, the cross-section of this SPI/ACS, viewed under this
122◦ incidence angle, is ≈5200 cm2. With a ≈100% efficiency from 150 keV up to
some hundreds of keV, SPI/ACS is a very efficient detector for solar HXR in this
energy range. As a result, count rates with 50 ms integration have been recorded
with significant statistics, allowing a comparison of EUV and HXR intensity time
profiles with very high precision. The SPI/ACS time profile of photons with energy
E > 150 keV, in steps of 50 ms, is displayed in Figure 1. During the time period
that we are interested in (bottom panel in Figure 1), nine peaks are seen and shown
by the vertical lines. Peak 1, and Peaks 2 – 9 occurred during the rise phase and
impulsive phase of the flare, respectively.
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Given the high intensity of the flare, the number of photons detected in the SPI
Ge detector matrix was sufficient to perform spectral analysis with 1 min integration
time. The time profiles obtained for different energy bands suggest that during Peaks
1 – 4, photons with energies up to 10 MeV were emitted. The spectra integrated over
these peaks show a clear power law bremsstrahlung spectrum (Gros et al., 2004).
Data from Koronas/SONG (Kuznetsov et al., 2006) show that this spectrum extends
up to 40 MeV. For the later peaks, it seems that this bremsstrahlung emission is
mixed with nuclear (4 – 7 MeV) and pion (60 – 100 MeV) emissions.

TRACE observed AR 10486 from several hours before the flare until 12:56:46
UT on October 28, 2003, yielding data at 195 Å (Fe XII/XXIV), 284 Å (Fe XV),
and 1600 Å (C IV plus UV continuum). Details of the TRACE instrumentation
and performance can be found in Handy et al. (1999) and Golub et al. (1999).
Observations at 195 Å and 1600 Å were recorded using an array size of 768 × 768
pixels, with a pixel size of 0.5 arcsecond, while the 284 Å observations used a
2 × 2 summed array of 512 × 512 pixels. Apart from the few 284 Å images taken,
the observing mode was designed to alternate data acquisition between 195 Å and
1600 Å, with the time cadence at 195 Å higher than that at 1600 Å. To compare
with HXR spikes, the TRACE data with high time cadence (typically ≈4 s) from
10:58:21 UT to 11:07:46 UT at 195 Å was selected. Due to the motion of the field
of view (FOV), a small part of the north ribbon was sometimes not observed at
195 Å , but the ribbons in their entirety could be seen at 1600 Å and 284 Å at all
times. TRACE observations show us that in the UV and EUV, the two flare ribbons
are composed of discrete bright kernels (e.g., Figures 2 – 8). Our analysis focuses
primarily on the observed evolution of these kernels during the course of the flare.

We note that some pixels in some of the EUV bright kernels saturated the
Analog-to-Digital Converter (ADC) during the impulsive phase. We investigated
the degree of saturation in the EUV images of this flare and found that (1) very
few pixels (3%) saturated the ADC even for the brightest flare kernel, (2) the CCD
itself did not reach saturation level (full well is five times greater than the ADC
conversion limit), and (3) the saturated pixels were only slightly stronger than the
other pixels in the kernels, as determined from analysis of the first-order images.
This saturation will have some effect on the accuracy of the actual intensity of the
flare kernel, but produces a negligible change in the shape of the summed light
curves. Details of the method for investigating these effects are presented by Lin,
Nightingale, and Tarbell (2001).

3. Comparison of EUV and HXR Emission

3.1. CORRELATION BETWEEN EUV AND HXR EMISSION

The SPI/ACS HXR data have excellent temporal resolution, but essentially no
spatial resolution, while the TRACE data have both temporal and spatial resolution.
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Figure 2. SPI/ACS/HXR light curves, TRACE/EUV images, and light curves of different bright-

enings during Phase 1. Phase 1 is the time period before HXR onset, which is represented by the

vertical dashed line. (a) Gray boxes representing EUV brightenings “S”/“S1” and “T”/“T1” during

Phase 1 are overlaid on an EUV image before Phase 1. (b), (c) EUV images are overlaid with gray

boxes representing the EUV brightenings during Phase 1. (d), (e) EUV light curves of the two pairs

of brightenings “S”/“S1” and “T”/“T1” during Phase 1. The ACS/HXR light curve is represented by

the thick solid line.

RHESSI was behind the Earth at the start of this flare and began observations at
11:06:26 UT, which only caught the last HXR peak (Peak 9) in the impulsive phase.
Our basic method of comparison to determine whether the EUV and HXR emissions
are correlated is therefore based mainly on the timing of the EUV brightenings
versus the timing of the HXR peaks.

In order to compare the EUV emission from the bright kernels and the HXR
emission, boxes are defined in the EUV images that enclose the bright kernels.
Because the bright kernels are continuously evolving (viz., Fletcher, Pollock, and
Potts, 2004), in order to track them we divide the rising and impulsive phases of
this flare into eight time bins. Different boxes are chosen at the different time bins
(see Figures 2 – 8) and the relevant kernels located in the boxes are labelled A, B,
etc.
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Figure 3. Similar to Figure 2 but for Phase 2. Phase 2 is the time period between the vertical dashed
line representing HXR onset and the solid line representing Peak 3. (a) EUV image at EUV peak 0

before HXR onset is overlaid with gray boxes representing the EUV brightenings “A”/“A1,” “B”/“B1,”

and “C” during Phase 2. (b), (c) Gray boxes representing EUV brightenings during Phase 2 are overlaid

on EUV images closest in time to HXR Peaks 1 and 3. (d), (e) Similar to Figures 2d and 2e, but for

EUV brightenings “A”/“A1,” “B”/“B1,” and “C” during Phase 2. The peaks are marked as vertical
line.

The bottom panel in Figure 1 shows us the comparison of the hard X-ray light
curve and the summed light curve of all the EUV bright kernels (for example, during
Phase 1 it is the summed light curve of brightenings “S”/“S1” and “T”/“T1”). We
can obtain a timing comparison, which is better than the cadence of the individual
TRACE images by cross-correlating this summed EUV light curve as a whole
against the HXR light curve. From Figure 1 we can see that the correlation between
the HXR and EUV emission is very good, especially for HXR Peaks 3, 4, 7, 8,
and 9. In order to quantify the temporal relationship between the HXR and EUV
emission, we have done a cross-correlation between these two emissions for the
individual HXR Peaks 4, 7, 8, and 9, and also a correlation of the full light curves
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Figure 4. Similar to Figure 2, but for Phases 3 and 4. The time period between Peaks 3 and 4 is Phase

3, and Phase 4 is the time period between Peaks 4 and 5. (a) EUV image closest in time to HXR

Peak 4 is overlaid with gray boxes representing the EUV bright kernels “C” and “D”/“D1” during

Phase 3. (b) EUV image is overlaid with gray boxes representing the bright kernels E/E1 during Phase

4. (c), (d), and (e) Similar to Figures 2d and 2e, but for EUV brightenings during Phases 3 and 4,

respectively.

from 10:58:21 UT to 11:07:46 UT. The time lags (tEUV – tHXR) obtained for the
individual peaks are displayed in Table I, and the average time lag for these four
peaks taken as an aggregate is 0.75 ± 1.4 s. The cross-correlation between the two
complete light curves shown in the bottom panel in Figure 1 gives a time lag (tEUV –
tHXR) of −1.25 ± 2.15 s (last line in Table I). From these results, we see that these
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Figure 5. Similar to Figure 2, but for Phase 5 (the time period between Peaks 5 and 7). (a), (b) Gray
boxes representing EUV brightenings during Phase 5 are overlaid on the EUV images closest in time

to HXR Peaks 5 and 6, respectively. (c) Gray boxes representing EUV brightenings are overlaid on

an EUV image of the postflare loops. (d), (e), (f), and (g) Similar to Figures 2d and 2e, but for EUV

brightenings during Phase 5.
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Figure 6. Similar to Figure 2, but for Phase 6 (the time period between Peaks 7 and 8). (a) Gray boxes
representing EUV brightenings during Phase 6 are overlaid on the EUV image closest in time to HXR

Peak 7. (b) Gray boxes representing EUV brightenings during Phase 6 are overlaid on an EUV image

of the postflare loops. (c), (d), and (e) Similar to Figures 2d and 2e, but for EUV brightenings during

Phase 6.

two types of emission are effectively simultaneous to our measurement accuracy,
which is in the range ≈1 – 3 s.

With the high spatial resolution of TRACE, we also examined the light curves
of individual bright kernels (Figures 2 – 8) in order to find the EUV bright kernels
corresponding to each HXR peak, and the resulting identifications are listed in
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Figure 7. Similar to Figure 2, but for Phase 7 (the time period between Peaks 8 and 9). (a), (b) Gray
boxes representing EUV brightenings during Phase 7 are overlaid on the EUV image closest in time

to HXR Peak 8 and another EUV image during Phase 7, respectively. (c) Gray boxes representing

EUV brightenings during Phase 7 are overlaid on an EUV image of the postflare loops.(d), (e) Similar

to Figures 2d and 2e, but for EUV brightenings during Phase 7.

Table I. Table I presents the times of the HXR peaks, time lags between the EUV
and HXR emission, and the EUV bright kernels corresponding to each HXR peak.
The second column in Table I refers to the time of the HXR peak, and the third
column shows the time of the EUV observations closest in time to each HXR
peak. The fourth column shows the time lags between the HXR and EUV emission
determined from a cross-correlation analysis of the respective peaks, and the error
bar (1 − σ ) is given in the same column. The last column identifies the EUV bright
kernels, which we believe are corresponding to the HXR peak. From Table I we can
see that in the EUV observations closest in time to nearly each HXR peak, we find a
peak in the EUV light curves from one or more bright kernels. These bright kernels
are therefore possibly related to the HXR peak. We do not find the corresponding
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Figure 8. Similar to Figure 2, but for Phase 8 (the time period after Peak 9). (a) Gray boxes represent-

ing EUV brightenings during Phase 8 are overlaid on the EUV image closest in time to HXR Peak 9.

(b) Gray boxes representing EUV brightenings during Phase 8 are overlaid on a later EUV image of

the postflare loops. (c) SOHO/MDI photospheric magnetogram overlaid with MDI contours, where

white and black contours refer to negative and positive magnetic field, respectively. The black dotted
line represents the locus of the filament. The field of view is 240′′×160′′. (d), (e) Similar to Figures

2d and 2e, but for EUV brightenings during Phase 8.

EUV bright kernels for HXR Peak 2, but we note the lack of EUV observations
near the time of that peak.

3.2. PRE-HXR EUV BRIGHTENINGS

From the light curves in Figures 1 and 2 we can see that the EUV emission from
the bright kernels starts to rise at 10:58:21 UT, which is more than 3 min before the
onset of the first HXR burst (11:02:00 UT). We also see some small peaks in the
EUV light curves (e.g., Peak 0 in Figure 3d) before HXR onset.

EUV brightenings before the HXR onset appear within two slender ribbons,
as can be seen in Figures 2b and 2c. The comparison of the morphology of the
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TABLE I

Timing of HXR peaks and corresponding EUV brightenings.

SPI/ACS HXR TRACE/EUV Time lag Corresponding

(E > 150 keV) (195 Å) �t = tEUV – tHXR TRACE/EUV

Peak tHXR (UT) tEUV (UT) (s) Bright kernels

Peak 1 11:02:23.373 11:02:22 B1

Peak 2 11:02:39.573 11:02:31

Peak 3 11:02:53.773 11:02:51 A1, B

Peak 4 11:03:11.923 11:03:08 −2.8 ±1.2 C, D

Peak 5 11:04:02.323 11:04:05 I, G

Peak 6 11:04:18.423 11:04:13 I1

Peak 7 11:04:47.923 11:04:48 1.8 ± 1.0 J1

Peak 8 11:05:20.823 11:05:20 2.9 ± 1.0 O, N1

Peak 9 11:06:37.323 11:06:38 1.1 ± 2.4 P1, Q/Q1

Total −1.25 ± 2.15

pre-HXR brightenings and the later flare ones (viz., Figure 3a) shows us that the
flare brightenings result from an outward expansion of the pre-HXR EUV bright-
enings in a direction perpendicular to the ribbons and an extension of the pre-HXR
brightenings along the direction of the ribbons (Figures 9a – e). Some of the flare
brightenings are also seen before the HXR onset, such as brightening “A.” These
observations show that the preflare EUV brightenings are very similar to the flare
ones, differing mainly in intensity but similar to the later flare brightenings in most
other respects.

4. Evolution of the EUV Bright Kernels

4.1. IDENTIfiCATION OF THE EUV CONJUGATE FOOTPOINTS

The most prominent conjugate footpoints have been identified manually by studying
the evolution of the EUV bright kernels. There are three factors that we considered
in identifying brightenings as conjugate footpoints: (1) the two brightenings appear
simultaneously, (2) the light curves of the two brightenings are very similar, and
(3) the two brightenings are connected by postflare loops. In this section we focus
on describing in detail several examples of the method to show how we track and
identify the conjugate footpoints in this flare.
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Figure 9. EUV brightenings and Hα image. TRACE/EUV contours at different times are overlaid on

an earlier Hα image from BBSO. The times of the EUV contours are marked on each image, and the

black lines connecting to the EUV bright kernels represent the possible conjugate EUV footpoints.

Different kind of line refers to different group of brightening pairs. The field of view is 240′′×160′′
for each image.
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Most of the EUV conjugate footpoints before Phase 5 have similar light curves,
and some of the pairs can also be identified as appearing at the same time. These
early brightenings are close to the neutral line and any possible postflare loops
connecting them would be hidden under the larger postflare loops connecting the
outer brightenings (see below for a discussion of the relative timing). Since no
corresponding postflare loops can be seen, we identify the conjugate footpoints
mainly by the first two factors.

For example, at 10:58:21 UT, the first EUV brightening “S1” appears in the
western part of the north ribbon and spreads from east to west. The next brightening,
“S,” located in the eastern part of the south ribbon appears at 10:58:47 UT and
spreads from east to west (Figure 2b). Because (i) only these two brightenings can
be seen at this time, (ii) the time of their appearance is quite close, and (iii) the two
light curves are also similar, we speculate that brightening “S” may be associated
with brightening “S1.”

With the extension of the two ribbons from east to west, brightenings “T” and
“T1” appear at 11:00:41 UT (Figure 2c). Brightenings “T” and “T1” may be conju-
gate footpoints, because they appear at the same time and have similar time profiles
during Phase 1 (Figure 2e).

After Phase 4, we identify the EUV conjugate footpoints mainly by factors
(2) and (3), since many brightenings appear simultaneously, and postflare loops are
seen for these kernels. Although the correlation between the light curves of some of
these conjugate footpoints is not clear, they can be confirmed by the corresponding
postflare loops. For example, many EUV brightening pairs appear at HXR Peak 5,
but the conjugate nature of footpoints “I”/“I1,” “H”/“H1,” “G”/“G1,” and “F”/“F1”
may be confirmed from the appearance of postflare loops (Figure 5c) connecting
them.

For some conjugate brightening pairs before 11:04:05 UT, we do not see the ex-
pected postflare loops, but this does not mean that they are not conjugate footpoints.
Cargill, Mariska, and Antiochos (1995) derived a simple formula for the cooling

time of high-temperature flare plasma, which is τcool ≈ 2.35×10−2L5/6/T 1/6
0 n1/6

0 s.
The parameters L , T0, and n0 in the formula are the loop half-length, electron tem-
perature, and electron density, respectively. From the formula we can see that the
most sensitive parameter is the loop length. The distance between the earlier bright-
ening pairs before Phase 5 is much longer than that between the later brightening
pairs (Figures 2 – 8). Because of their large separation along the neutral line, these
early loops are two to three times longer than the later loops, so it should take
substantially longer for the earlier loops to cool down to the TRACE/EUV ob-
servational temperature range than the later ones. By the time they cool down to
the TRACE temperature range, the shielding by the overlying loops makes them
unobservable.

Table II gives a summary of the brightenings occurring in the different phases
of the flare. Note that the different phases in this table just refer to the different time
bins and they do not have physical implication. The start and end times of the phases
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TABLE II

Summary of the bright kernels occurring in different phases of the October 28, 2003 flare.

TRACE (195 Å) Angle

Phase Brightening kernels Ribbon θ (◦)

Phase 1 (Figure 2) T S S

10:58:21 – 11:02:10 T1 S1 N 73, 71

Phase 2 (Figure 3) C B A S

11:02:11 – 11:02:55 B1 A1 N 54

Phase 3 (Figure 4) C D S

11:02:56 – 11:03:27 D1 N 50

Phase 4 (Figure 4) E S

11:03:28 – 11:04:04 E1 N 41

Phase 5 (Figure 5) F H G I

11:04:05 – 11:04:47 F1 H1 G1 I1 N 18

Phase 6 (Figure 6) M K J L S

11:04:48 – 11:05:19 K1 J1 L1 N 19

Phase 7 (Figure 7) N O S

11:05:20 – 11:06:29 N1 O1 N 9, 23

Phase 8 (Figure 8) P Q S

11:06:30 – 11:07:46 P1 Q1 N 20

are displayed in the first column. The middle columns give the identifying labels of
the different bright kernels in each ribbon. The grouping of the identifying letters
into different vertical columns (e.g., “T”/“T1,” “B”/“B1,” “D”/“D1,” “E”/“E1”)
indicates the evolution of a pair of conjugate footpoints through the stages of its
evolution. The middle column marked between the two vertical lines represents the
strongest brightening pairs, and the positions of these brightening pairs appear to
evolve continuously during the evolution of the flare (especially for the brightenings
in the south ribbon). The next column indicates which ribbon (North (N) or South
(S)) the bright kernels occurred in. These identifications are then used to define an
angle θ , listed in the last column and discussed in the next section.

4.2. EVOLUTION OF THE SHEAR OF THE EUV CONJUGATE FOOTPOINTS

It is well known that filaments typically lie on inversion lines in the longitudinal
magnetic field when viewed near the center of the disk (McIntosh, 1972), which
also can be seen in Figure 8c. In order to get information about the ribbon’s under-
lying magnetic inversion line, we use the solar filament which can be seen in Hα
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image obtained at Big Bear Solar Observatory (BBSO). Because there are no Hα

observations at BBSO close in time to the preflare phase, we choose an image late
in the day on October 27, 2003, which is about 15 h before this flare.

To get good coalignment of the TRACE/EUV and BBSO/Hα images, we pro-
ceeded in three steps: (i) we derotated the Hα image to the same time as the EUV
image, and found the SOHO/MDI magnetogram closest in time to the EUV image;
(ii) we overlaid the Hα image with the SOHO/MDI magnetogram, using the dark
sunspots; (iii) we selected the two images in 195 Å closest in time from SOHO/EIT
and TRACE/EUV, and obtained the offset of the TRACE/EUV image by cross-
correlation.

In order to examine the evolution of the shear of the EUV conjugate footpoints,
we select one image from each time bin; the EUV contours in the different time bins
overlaid on the Hα image can be seen in Figures 9a – g, and the conjugate footpoints
obtained from our analysis are marked as black lines connecting the bright kernels.
The different group of brightening pairs shown in Table II are indicated by different
line types in the figure. The evolution of the shear is clearly seen in this sequence
of images.

In order to calculate a shear angle, the conjugate brightening pairs during each
of the phases connected by the solid, dot-dashed, and dashed lines as shown in the
middle column marked between the two vertical lines in Table II are regarded as
a group and the angles are averaged. The angles (shear angle) between the lines
connecting these conjugate footpoints and the line perpendicular to the filament have
been measured and displayed in the last column in Table II. The angles between the
lines connected different brightenings pairs in this group are very similar at each
phase (time bin) during the early phases (time bins), but become more dispersed
after Phase 6. For example, the angle between the line connecting brightening pair
“N”/“N1” and the line perpendicular to the filament is very different (23◦ vs. 9◦)
from the angles measured for the other brightening pairs seen in Phase 7. All values,
however, are retained when taking the average.

Because most of the strongest brightening pairs predominating at the earlier
phases (time bins) disappeared by Phase 8, the angle θ is measured using brightening
pair “Q”/“Q1,” which appears to be related to the brightening pair “N”/“N1” in
position. Because the brightening pairs which are associated with the strongest
brightening pair “P”/“P1” at Phase 8 are outside of the FOV most of the time, the
evolution of this group of brightening pairs is not discussed here.

Furthermore, we have also examined the rate of change of these angles (–dθ /dt;
we use the average value of θ , if we have more than one value in a given time bin),
which is shown in the first column in Table III, and the corresponding time (we
use the midpoint between the two times at which we measured the two angles) is
displayed in the second column.

The ACS/HXR time profile is displayed in Figure 10a. The temporal evolution
of the average shear angle θ and the change rate of this angle dθ /dt are displayed
as a solid line with asterisk signs and a dashed line with plus signs, respectively in
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TABLE III

Shear angle change rate and the corresponding time.

Time (UT) 11:01:48 11:03:02 11:03:18 11:03:48 11:04:30 11:05:04 11:05:59

dθ /dT(◦s−1) 0.14 0.33 0.45 0.51 0.03 0.03 −0.07

Figure 10. HXR light curve and the temporal evolution of the shear angle and the change rate of this

angle. (a) The ACS/HXR light curve of the solar flare on October 28, 2003. (b) The evolution of the

shear angle θ (solid line with asterisk sign), and the evolution of the change rate of this angle (dashed
line with plus sign).

Figure 10b. The real measured angles are shown as individual asterisk signs around
the average angle.

From Figure 10b we see that the shear angle θ of the strongest brightening pairs
is decreasing all the time during the early impulsive phase, which indicates that the
shear of the conjugate footpoints is decreasing during the early impulsive phase
(before Peak 6). The change rate of the shear angle peaks during the early impulsive
phase, as can be seen in Figure 10b, and the shear change becomes very slow after
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Peak 5. It seems, therefore, that the change in shear angle of the EUV brightenings
does not correlate in a straightforward way with the impulsive-phase HXR bursts.

5. Discussion

5.1. EUV BRIGHTENINGS GENERATION MECHANISM

As mentioned previously, there are mainly two generation mechanisms for the EUV
brightenings: thermal conduction from the reconnected loops, and direct bombard-
ment of the lower atmosphere by accelerated particles from the reconnection site.
By the comparison of the EUV and HXR emission, we are able to discuss the EUV
brightenings generation mechanism in this event.

Thermal conduction models have been proposed where the initial instability
occurs at the loop top where the gas is heated and produces hard X-rays. A thermal
conduction front proceeds down the loop to heat the chromosphere to at least
transition region temperatures (Smith and Lilliequist, 1979; Smith and Auer, 1980;
Nagai, 1980).

TRACE/EUV image overlaid with RHESSI HXR (E = 100 – 200 keV) image
at the time period of the HXR Spike 9 has been shown in Figure 9 in Krucker and
Hudson (2004). From that figure, we can see the HXR sources are located within
the two EUV ribbons rather than at the loop top, and we also can see the strongest
HXR sources are corresponding to the strongest EUV brightening pair “P”/“P1.”
These observations suggest that the EUV brightenings during HXR Spike 9 may
not be due to thermal conduction.

Unfortunately, we do not have HXR image before HXR spike 9 to check
the viability of the thermal conduction model for the other EUV brightenings.
However, the travelling time of the thermal conduction front can be estimated as
t = L2nekB/κ0T 5/2 (Yokoyama and Shibata, 1997), where kB is Boltzmann con-
stant, κ0 is a physical constant (about 10−6 in cgs). Here, L , ne, and T are the half
length of the loop, electron number density, and the temperature of the hot plasma,
respectively. Our event is located close to disk center, so we cannot measure the
length of the loops directly because of the viewing angle. However, we can measure
the distance between the EUV conjugate footpoints. The shortest distance between
the EUV conjugate footpoints for Peaks 4, 7, 8, and 9 is approximately 28 800 km,
thus the half-length of the shortest loop should be approximately 23 000 km, if we
assume a semicircular loop. If we assume that the electron number density and
the temperature of the hot plasma are 2 × 10 9 cm−3 and 20 MK, respectively, the
travelling time will be 0.94 s, which is comparable to the observed time delay (less
than 3 s) between the EUV and HXR emission. This means that we cannot rule
out thermal conduction as the cause of the EUV brightenings. However, we should
note that the temperature is the most sensitive parameter in this equation: the higher
the temperature is, the shorter the travelling time is. The temperature that we used
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above is within the range of Fe XXIV emission, which starts to appear after Peak 9,
as can be seen in Figure 5c, so this travelling time may be only appropriate for the
later brightenings after Peak 9. However, due to the lack of HXR observations with
spatial resolution, we cannot rule out the possibility that the HXR emission is from
a hot (T > 20 MK) loop-top source; therefore, we cannot rule out the possibility of
the thermal conduction.

As mentioned in Section 3.2, the observations show that the preflare EUV bright-
enings are similar to the later flare ones in most respects, differing mainly in inten-
sity. Therefore, we speculate that the pre-HXR EUV brightenings have the same
generation mechanism as the flare ones. Why can we see EUV brightenings be-
fore the HXR onset in this event? The EUV observations show that the pre-HXR
EUV bursts are much weaker than the later ones, as can be seen from the summed
EUV light curves in the bottom panel of Figure 1. Given the high count rates and
good statistics seen in the HXR for all of the flare peaks, the HXR sensitivity does
not seem to be an issue. We therefore suggest that the energy released from the
reconnection site may be relatively low during the rising phase, so that there is less
contribution to the HXR emission in the SPI/ACS energy band (E > 150 keV).

5.2. EVOLUTION OF THE MAGNETIC SHEAR

The EUV bright kernels are argued to represent the chromospheric footpoints of the
newly reconnected flare loops. Therefore, we can to some extent infer the magnetic
field connectivity by observation of the evolution of the EUV footpoints.

In order to study the shear change, the strongest brightening pairs of EUV
footpoints, which represent the major energy release site are selected. A strong
to weak shear change is observed during the impulsive phase, which confirms the
earlier results found at other wavelengths (Masuda, Kosugi, and Hudson, 2001;
Asai et al., 2003; Kundu, Schmahl, and Garaimov, 2004). The decrease of the
shear of the EUV footpoints implies that the newly reconnected loops have a lesser
magnetic shear.

However, we also would like to know what these observations can tell us about
the flare magnetic topology. The observed shear change can be understood in terms
of the standard model for solar flares (e.g., Moore, LaRosa, and Orwig, 1995; Moore
et al., 2001). According to this model the preflare magnetic field contains a highly
sheared core field overlying the magnetic inversion line (MIL) on the photosphere.
It is assumed that the preflare configuration evolves appropriately for the sheared
core field to become eruptively unstable, and that the flare begins with the onset
of the core eruption. Magnetic field begins to reconnect just below the rising core
field, producing newly reconnected loops that, though less sheared than the preflare
core field, retain some obvious shear (see Figure 1 in Moore, LaRosa, and Orwig,
1995). This indicates that, soon after the start of the eruption, the reconnection site
is located at some height above the photosphere, inside the sheared envelope field.
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Figure 11. Cartoon of the evolution of the magnetic field in the standard model of solar flares. (a)

Preflare magnetic field configuration with greatly sheared core field region (double hatched) sur-

rounded by relatively less but still highly sheared envelope field (single hatched), which is underlying

the unsheared envelope field. (b) Magnetic reconnection occurs in the highly sheared envelope field

region. (c) The sheared envelope field splits completely, and magnetic reconnection occurs in the

region where the field is unsheared. The direction of the magnetic field is represented by the arrows
on the field lines. Note that the double-hatched shadings indicate magnetic shear, not the presence of

cool plasma (Hα filament).

This reconnection causes the sheared envelope to split into two parts during the
early phase of the flare. The upper part is ejected into the heliosphere, while the
lower part stays behind on the sun.

Figure 11 illustrates the evolution of the magnetic field in the early phase of the
flare according to the standard model, but focusing on the evolution of the shear of
the magnetic field. We use a Cartesian coordinate system (x, y, z) with the origin
lying on the MIL in the photosphere; x is the horizontal coordinate perpendicular to
the MIL, y is the height above the photosphere (y ≥ 0), and z is the distance along
the MIL. Figure 11a shows the magnetic configuration well before the flare at a
time when flare-related reconnection has not yet occurred. Figure 11b shows the
configuration in the early phase of the flare when the main reconnection has already
started. The transition from Figure 11a to Figure 11b may take 1 h or even longer.
It is unclear exactly how this transition occurs. A detailed model of the magnetic
field evolution during this period is beyond the scope of this paper.

It is useful to divide the initial magnetic field configuration into three parts: (1)
the inner part is a bundle of greatly sheared core field (double hatched) located just
above the MIL; (2) the envelope field immediately coating the sheared core bundle
is relatively less but still highly sheared (single hatched); (3) the outmost part is
unsheared magnetic field overlying the immediate sheared envelope (Figure 11a).
Note that the shear of the magnetic field transitions gradually between these regions.

The observed high shear during the early impulsive phase indicates that mag-
netic reconnection occurred in the region where the magnetic field (highly sheared,
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within the immediate sheared envelope region of Figure 11b) has a strong compo-
nent along the direction of the magnetic inversion line. With the expansion of the
sheared core flux bundle, the reconnection line moves upward, and the reconnec-
tion region moves out progressively. Therefore, the shear of the newly reconnected
loops decreases progressively, which can explain the progressive decrease of the
shear of the footpoints with the ribbon separation (Figures 9a – d).

The sheared envelope soon splits into two separate parts: an upper part that moves
away from the sun and a lower part that stays behind in the low corona (Figure 11c).
Magnetic reconnection occurs at an X-line located between the upper and lower
parts of the sheared envelope field. As the eruption proceeds, the upper and lower
parts of the sheared envelope field become more and more clearly separated, and the
Bz component of magnetic field at the X-line decreases. Therefore, during the later
phase, the newly reconnected loops are weakly sheared, as shown in Figure 11c.
This model provides a natural explanation for the observed shear change.

At 11:04 UT, the shear angle is about 20◦, and little change in shear angle occurs
after that time (Figure 10). This suggests that the splitting of the sheared envelope
field is nearly complete at 11:04 UT, in the middle of the impulsive phase. Hence,
there is no obvious relationship between the splitting of the sheared envelope field
and the end of the impulsive phase.

6. Conclusions

An X17 class (GOES soft X-ray) two-ribbon solar flare which occurred on Octo-
ber 28, 2003 is studied in this paper. Comparison of the light curves of the EUV
emission from the brightenings within the two ribbons observed by TRACE and the
HXR (E > 150 keV, SPI/ACS) emission show very good correlation, and we have
also found that most of the individual peaks in the HXR bursts can be identified
with EUV peaks from one or more bright kernels. The cross-correlation between
the light curves of the two types of emission shows that the typical time delay be-
tween the EUV and HXR emission is less than 3 s in this event. The comparison of
the HXR (E = 100 – 200 keV, RHESSI) and EUV image at Phase 8 shows that the
HXR sources are located at the EUV bright points. Although all of these observa-
tions seem to be favorable to the explanation that the EUV brightenings are mainly
caused by direct bombardment at the lower atmosphere of the energetic particles
accelerated at the reconnection site, we cannot rule out the possibility of thermal
conduction, since the travelling time of the thermal conduction front can be compa-
rable to the observed time delay between the EUV and HXR emission, if the HXR
emission is from a very high temperature (T > 20 MK) loop-top source. Good data
sets observed simultaneously by TRACE, RHESSI, and the Solar-B/XRT, which
will be launched in 2006 will be helpful in obtaining a more conclusive result in
this topic.
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The onset of the EUV brightenings is about 3 min earlier than the HXR emission.
These pre-HXR EUV brightenings appear to be associated with the flare ones
in position, and these two kinds of brightenings do not have any obvious major
difference. Some of the flare brightenings are also seen before the HXR onset, such
as brightening “A.” All of these observations may suggest that the pre-HXR EUV
brightenings have the same generation mechanism as the flare ones.

The EUV conjugate footpoints start at a position close to the magnetic inversion
line but widely separated along the inversion line (highly sheared), and change into
far from and straight across the inversion line (less sheared) gradually during the
impulsive phase. This evolution of the EUV footpoints from strong to weak shear
confirms the earlier results reported at other wavelengthes. This suggests that the
observed evolution in shear during the initial stages of a flare may be a frequent
occurrence. We propose an interpretation in terms of the splitting of the sheared
envelope field of the greatly sheared core rope overlying the magnetic inversion
line during the early phase of the event. It is clear now, there must be some sheared
field left behind on the sun, but what is the fraction of this kind of sheared field, or
how much sheared filed has been erupted? A lot of work needs to be done in order
to answer this question.

Our most significant new result is that the shear (between the strongest EUV
footpoints) change was very fast during the early impulsive phase, but stopped in the
middle of the impulsive phase. This result may indicate that the sheared envelope
field is split completely in the middle of the impulsive phase. This observation also
gives a negative answer to our initial question: the magnetic shear change per se
does not seem to be the reason for the transition from the impulsive phase to the main
phase. More detailed studies of magnetic reconnection and particle acceleration in
flares are needed in order to answer this question.
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ABSTRACT

We present a statistical investigation of shear motion of the ultraviolet (UV) or extreme-ultraviolet (EUV)
footpoints in two-ribbon flares, using the high spatial resolution data obtained in 1998Y2005 by TRACE. To do this
study, we have selected 50 well-observed X and M class two-ribbon flares as our sample. All 50 of these flares are
classified into three types based on the motions of the footpoints with respect to the magnetic field (SOHOMDI). The
relation between our classification scheme and the traditional classification scheme (i.e., ‘‘ejective’’ and ‘‘confined’’
flares) is discussed. We have found that 86% (43 out of 50) of these flares show both strong-to-weak shear change of
footpoints and ribbon separation (type I flares), and 14% of the flares show no measurable shear change of conjugate
footpoints, including two flares with very small ribbon separation (type II flares) and five flares having no ribbon
separation at all through the entire flare process (type III flares). Shear motion of footpoints is thus a common feature
in two-ribbon flares. A detailed analysis of the type I flares shows (1) for a subset of 20 flares, the initial and final shear
angles of the footpoints are mainly in the range 50�Y80� and 15�Y55�, respectively; and (2) in 10 of the 14 flares having
both measured shear angle and corresponding hard X-ray observations, the cessation of shear change is 0Y2 minutes
earlier than the end of the impulsive phase, which may suggest that the change from impulsive to gradual phase is
related to magnetic shear change.

Subject headinggs: Sun: corona — Sun: flares — Sun: magnetic fields — Sun: UV radiation

1. INTRODUCTION

Solar flares can be grouped according to the number of ribbons,
from unresolved compact pointlike flares to four-ribbon flares.
Themost commonly seen chromospheric flaremorphology is the
two-ribbon flare, according to Tang (1985). It is well known that
ribbons of large two-ribbon flares separate as a function of time.
This ribbon separation is interpreted as the chromospheric sig-
nature of the progressive magnetic reconnection in the corona, in
which new magnetic field lines reconnect at higher and higher
altitudes, according to the two-dimensional classical ‘‘CSHKP’’
model for two-ribbon flares (Svestka & Cliver 1992).

After analyzing 31 flares observed by the Hard X-Ray tele-
scope (HXT) on board Yohkoh, Bogachev et al. (2005) classified
the footpoint motions into three types: (1) motion away from and
nearly perpendicular to the magnetic inversion line (MIL) (rib-
bon separation), (2) motion mainly along the MIL and in anti-
parallel directions (shear motion), and (3) parallel motion in the
same direction along the MIL. Furthermore, they found that 14
out of their 31 flares show the second type ofmotion, which often
appears as strong-to-weak shear change of the footpoints during
a flare. This shear motion was also found in several individual
two-ribbon flares (Ji et al. 2006; Su et al. 2006, hereafter Paper I,
and references therein). This motion cannot be explained by a
simplified two-dimensional flaring model, but it is instead con-
sistent with a three-dimensional magnetic field configuration
having highly sheared inner and less sheared outer magnetic field
lines in the preflare phase (Moore et al. 1995 and references
therein). The cessation of shear change during the impulsive phase
can be interpreted as a splitting of the envelope of the highly
sheared core field, according to Paper I.

So far, this change from strong to weak shear of the footpoints
during the flare has been reported in almost 20 solar flares, which

suggests that this motionmay be a common feature in solar flares.
In this paper we have made a detailed statistical study of the shear
motion of the footpoints in 50 two-ribbon flares using high spatial
resolution extreme-ultraviolet (EUV)/ultraviolet (UV) images
obtainedwith theTransitionRegion andCoronaExplorer (TRACE;
Handy et al. 1999), in order to make a conclusive statement about
the prevalence of shear motion of footpoints in such flares. Our
flares are classified into three groups: type I flares, which show
both ribbon separation and shear motion; type II flares, which
show only ribbon separation; and type III flares, which show no
footpoint motion.
It is often considered that, to a first approximation, the life

history of a flare consists of an impulsive phase, characterized by
mainly nonthermal emissions (hard X-rays, gamma rays, radio
waves, and neutrons) and a gradual (main) phase characterized
by predominantly thermal emissions (soft X-rays, UV, and optical
radiation; Tandberg-Hanssen & Emslie 1988). The impulsive and
gradual phases can also be recognized on the basis of hard X-ray
(HXR) and microwave time profiles. The impulsive emissions
have a short timescale, of order several tens of seconds to a few
minutes, and gradual emissions evolve over a longer timescale of
tens of minutes. The distinction between the two turns out to be
more than superficial and is not limited to temporal properties.
Statistical and case studies in the last two decades revealed other
respects in which the impulsive and gradual emissions show con-
trasting properties (for a detailed review see Qiu et al. 2004 and
references therein).
The physical differences between the flare impulsive phase

and gradual phase are pronounced, and the transition from impul-
sive phase to main phase is typically abrupt. What is the nature
of the change that occurs when a flare goes from the impulsive
phase to the gradual phase? The magnetic field strength per se is
unlikely to change abruptly, but the magnetic shear may show
abrupt temporal gradients. Therefore, Lynch et al. (2004) sug-
gested that the observed cessation of HXR bursts with the start
of the main phase can be understood in terms of the difference
between reconnection in a strongly sheared versus an unsheared
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field. This hypothesis has been examined in detail for one flare in
our previous paper (Paper I). The observations showed that the
cessation of shear change of footpoints occurs in the middle of
the impulsive phase. However, it is difficult to draw a conclusive
statement on this question from this one case study. In this paper
we examine the time difference between the cessation of the shear
motion and the end of the impulsive phase in a sample of 14 events
having both measurable shear angle and corresponding HXR
observations.

The observational data are summarized in x 2. In x 3.1 we
present the study of type I flares. The observational results of
type II and III flares are described in x 3.2. In xx 4.1 and 4.2 we
compare our classification scheme (type I, II, and III flares) with
that of Svestka (1986) (‘‘ejective’’ and ‘‘confined’’ flares), and an
energy scale for two-ribbon flares is described in x 4.3. The time
difference between the cessation of shear motion and the end of
impulsive phase in type I flares is presented in x 5. Summary is
given in x 6.

2. OBSERVATIONAL DATA

We construct our data sets based on the TRACE Flare Cata-
log,3 provided by the Solar and Stellar X-Ray Group at Smith-
sonian Astrophysical Observatory, which lists all of those X and
M class flares (GOES soft X-ray) from 1998May to the present
time (and those C class flares from 1998 to 2002, and they are
not cataloged after this) observed by TRACE. The TRACE Flare
Catalog is formed by selecting those flare events having TRACE
observations around the flare peak time reported by GOES. The
information of the class and peak time of the flares listed in the
TRACE Flare Catalog is taken from the GOES Flare Catalog.4

We have selected 50 well-observed two-ribbon solar flares from
1998 to 2005, according to the following criteria:

1. We only consider flares in which two long and roughly
parallel ribbons are seen during the flare.

2. Most parts of the two ribbons are visible within the field of
view (FOV) of TRACE.

3. TRACE obtained several good images during the rise and
impulsive phase, from which we can see the two ribbons and
their evolution clearly.

4. Flares near the limb for which the two ribbons and their
evolution cannot be seen are not considered.

All of the flares we included in this study are listed in Tables 1
and 2.

The TRACE mission explores the dynamics and evolution of
the solar atmosphere from the photosphere to the corona with
high spatial and temporal resolution (Handy et al. 1999). It observes
thewhite-light photosphere, the transition region at thewavelengths
of 1216, 1550, and 1600 8, and the 1Y2 MK corona at 171, 195,
and 2848. However, because of its limited FOV, TRACEmaymiss
observing some flares, if these flares happen outside the FOV
(Zhang et al. 2002).We have used the TRACE catalog, understand-
ing that it will not be a complete sample of all flares occurring
during the studied period because the TRACE observations of
flares provide high spatial and temporal resolution images, which
make possible the study of shear motion of the footpoints.

The HXR time profiles used in this study from 1998 to 2001
are taken from the Yohkoh Flare Catalog.5 YohkohHXT (Kosugi
et al. 1991) used a Fourier synthesis technique to take images in
four energy bands (L: 13Y23keV;M1: 23Y33keV;M2: 33Y53keV;

H: 53Y93 keV) with a collimator response (FWHM) of about 800.
For those flares that occurred after 2001, the HXR data are ob-
tained from RHESSI. RHESSI provides unprecedented high-
resolution imaging and spectroscopy capability for solar flares
(Lin et al. 2002). For the analysis, we use the energy band 33Y
53 keV for both Yohkoh HXT and RHESSI, since lower energy
bands may have a considerable contribution from the superhot
plasma emission.We could also use a higher energy band, but the
HXR emission is usually too weak in those bands to define the
end of the impulsive phase with proper accuracy.

The magnetic inversion line information in most events used
in this study is from the line-of-sight photospheric magnetograms
observed by the Michelson Doppler Imager (MDI) on board the
Solar and Heliospheric Observatory (SOHO). For those events
that do not have corresponding MDI observations, or if the MIL
on the MDI magnetograms is too complicated, the MIL is iden-
tified by the corresponding filament on the H� images observed
by Big Bear Solar Observatory (BBSO). Information about re-
lated coronal mass ejections (CMEs) is obtained from the SOHO
Large Angle and Spectrometric Coronagraph Experiment
(LASCO) CME Catalog.6

3. THREE TYPES OF TWO-RIBBON FLARES

Of the availableTRACE passbands,more than half of the events
we studied were mainly observed only in the EUV (171/1958) or
UV (1600/17008), and less than half of themwere observedwith
a sequence that took a combination of EUV (171/195/2848) and
UV (1600/1216/15508) images. In order to study shearmotion of
the footpoints, our first step is to look through all of the movies at
the wavelength in the main observing sequence for each event,
i.e., the wavelength that has the best coverage of the event. The
motion of the brightenings can be seen clearly from the movies
and is visible in either UVor EUV channels. To make a detailed
study, we first synthesized a set of TRACE images at the wave-
length in main observing sequence for each event. In order to
distinguish the motions of footpoints with respect to the magnetic
field, the next step is to co-align the TRACE images with the cor-
respondingmagnetic field orH� images. To get good co-alignment
of the EUV/UV (TRACE ) and SOHO MDI magnetograms or
BBSO H� image, we proceeded in three steps: (1) aligned the
EUV/UV images with the white-light (WL) images observed by
TRACE using the ‘‘trace_prep.pro’’ program provided as part of
the TRACE analysis software; (2) aligned the WL images with
the SOHO MDI magnetograms or BBSO H� images, using the
dark sunspots; (3) aligned the EUV/UV images with the SOHO
MDI images or BBSOH� images using the offsets obtained from
the first two steps.

After studying the motions of the brightenings observed by
TRACE with respect to the magnetic field, we found that our
events could be categorized into three groups:

Type I flares.—The common characteristic among all flares in
this group is that the EUV conjugate footpoints start at a position
close to the magnetic inversion line but widely separated along
theMIL (highly sheared) and change into a configuration far from
and straight across the inversion line (less sheared) during the
impulsive phase. In other words, this type offlare shows strong-to-
weak shear motion of the footpoints and also ribbon separation.

An example of a type I flare on 2001 April 26 is shown in
Figure 1. Figure 1a represents the HXR time profiles obtained
from Yohkoh HXT. The TRACE EUV initial brightenings (white
contours) at the flare onset overlaid on the EUV image having
the final brightenings at the time when the shear change stops are3 See http://hea-www.harvard.edu /trace/flare_catalog/.

4 See http://www.lmsal.com/SXT/plot_goes.html.
5 See http://gedas22.stelab.nagoya-u.ac.jp/HXT/catalogue/index.html. 6 See http://cdaw.gsfc.nasa.gov/CME_list/index.html.
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shown in Figure 1b. Figures 1c and 1d show the initial and final
brightenings (white contours) overlaid on the later postflare loop
images showing the postflare loops connecting these brighten-
ings, respectively. The TRACE image at the time when the shear
change stops overlaid with photospheric magnetic field contours
observed by SOHOMDI is shown in Figure 1e. Figures 1f and 1g
show how we measure the initial and final shear angle.

Type II flares.—We do not see measurable shear motion of the
conjugate brightenings, but we see very small ribbon separation
in this type of flare (e.g., Figs. 2a and 2b).

Type III flares.—We do not see shear motion of the conjugate
brightenings, nor ribbon separation in these flares. Two exam-
ples of type III flares are shown in Figures 2cY2f.

3.1. Type I Flares

3.1.1. Footpoint Motion in Type I Flares

In all, 86% (43 out of 50) of the two-ribbon flares we studied
show shear motion of the EUV/UV footpoints during the flare,
which indicates that this motion is a common feature in two-
ribbon flares. This 86% fraction is much larger than the 45% (14
out of 31) fraction reported byBogachev et al. (2005). They found
that 8 of these 14 flares with shear motion show mainly this shear
motion, while the other 6 flares show a combination of ribbon
separation and shear motion. However, all of our 86% of flares
show a combination of ribbon separation and shear motion. Two
reasons that may explain this difference are as follows: (1) Data

TABLE 1

Type I Flares with Shear Motion and Ribbon Separation

TRACE Shear Angle Time

Date GOES Class

TRACE

Observed Band(s)

(8)

�1
a

(deg)

�2
a

(deg)

�1 � �2
(deg)

tEUV1
b

(UT)

tEUV2
b

(UT)

tHXR
c

(UT)

tHXR � tEUV2

(s)

GOES Peak

(UT)

CME Onset

(UT)

1998 Sep 23................. M7.1 1550, 195 . . . . . . . . . . . . . . . . . . . . . 07:13 No data

1999 Jun 22 ................. M1.7 1216, 195, 171 52�2 31�2 21 18:20:26 18:24:51 18:23 �111 18:29 18:54

1999 Jun 23 ................. M1.7 1216, 195, 171 56�2 32�2 24 06:50:42 06:57:02 . . . . . . 07:09 07:31

2000 Feb 08................. M1.3 171, 1600 65�2 19�2 46 08:44:05 08:49:32 08:51:55 143 09:00 09:30

2000 Apr 12................. M1.3 171 . . . . . . . . . . . . . . . . . . . . . 03:35 No

2000 Jun 04 ................. M3.2 171, 1600 67�2 49�2 16 22:06 22:09:27 . . . . . . 22:10 23:54

2000 Jun 06 ................. X2.3 171, 1600 . . . . . . . . . . . . . . . . . . . . . 15:25 15:30

2000 Jun 10 ................. M5.2 195, 1600 51�2 19�2 32 16:47:12 16:53:30 . . . . . . 17:02 17:08

2000 Jul 14 .................. X5.7 195 65�2 23�2 42 10:24:23 10:26:51 10:27 9 10:24 10:54

2000 Nov 08................ M7.4 171 . . . . . . . . . . . . . . . . . . . . . 23:28 23:06

2000 Nov 24................ X2.3 1600 . . . . . . . . . . . . . . . . . . . . . 15:13 15:30

2000 Nov 24................ X1.8 1600 57�2 15�2 42 21:49:14 21:52:51 21:54:07 76 21:59 22:06

2001 Jan 20.................. M1.2 1600 . . . . . . . . . . . . . . . . . . . . . 18:47 19:31

2001 Jan 20.................. M7.7 1600 . . . . . . . . . . . . . . . . . . . . . 21:20 21:30

2001 Mar 24 ................ M1.7 171, 1600 80�2 50�2 30 19:37:53 19:55:05 . . . . . . 19:55 20:50

2001 Apr 09................. M7.9 171, 1600 63�2 35�2 28 15:25:02 15:31:27 . . . . . . 15:34 15:54

2001 Apr 10................. X2.3 171 53�2 2�2 51 05:08:39 05:17:25 05:19 95 05:26 05:30

2001 Apr 11................. M2.3 171 76�2 46�2 30 12:58:27 13:07:46 13:26 13:31

2001 Apr 26................. M7.8 171, 1600 51�2 5�2 46 13:07:48 13:09:54 13:10:10 16 13:12 13:31

2001 Jun 15 ................. M6.3 195 . . . . . . . . . . . . . . . . . . . . . 10:13 10:31

2001 Aug 25................ X5.3 284 . . . . . . . . . . . . . . . . . . . . . 16:45 16:50

2001 Oct 19 ................. X1.6 171 . . . . . . . . . . . . . . . . . . . . . 16:30 16:50

2001 Dec 26 ................ M7.14 1600 . . . . . . . . . . . . . . . . . . . . . 05:40 05:30

2002 Mar 14 ................ M5.7 171 61�2 26�2 35 01:42:02 01:47:22 01:46 �82 01:50 23:54

2002 Apr 10................. M1.6 195 52�2 27�2 25 19:01:55 19:04:03 19:04:15 12 19:07 20:26

2002 Jul 29 .................. M4.7 171, 1600 . . . . . . . . . . . . . . . . . . . . . 10:44 No

2002 Jul 31 .................. M1.2 171 50�2 1�2 49 19:37:53 01:51:10 01:51:40 30 01:53 No

2002 Oct 22 ................. M1.0 195 85�2 50�2 35 15:32:18 15:33:25 . . . . . . 15:35 No

2002 Oct 25 ................. M1.5 195 . . . . . . . . . . . . . . . . . . . . . 17:47 18:06

2003 May 29................ X1.2 195, 1600 . . . . . . . . . . . . . . . . . . . . . 01:05 01:27

2003 May 31................ M9.3 195 52�2 29�2 23 02:19:03 02:21:54 . . . . . . 02:24 02:30

2003 Jun 11 ................. X1.6 1700 . . . . . . . . . . . . . . . . . . . . . 20:14 No data

2003 Aug 19................ M2.7 171, 195, 1600 70�2 48�2 22 09:49:45 10:00:24 10:02:22 118 10:06 10:30

2003 Oct 24 ................. M7.6 195, 1600 72�2 41�2 31 02:27:56 02:44:58 02:52:20 440 02:54 02:54

2003 Oct 28 ................. X17.2 195, 1600, 284 78�2 22�2 56 11:00:41 11:04:05 11:05 55 11:10 11:30

2004 Nov 10................ X2.5 1600 . . . . . . . . . . . . . . . . . . . . . 02:13 02:26

2004 Dec 30 ................ M2.2 1600 . . . . . . . . . . . . . . . . . . . . . 10:47 10:57

2005 Jan 15.................. X2.6 1600 . . . . . . . . . . . . . . . . . . . . . 23:02 23:06

2005 May 17................ M1.8 171 75�2 36�2 39 02:33:37 02:42:46 02:42:50 4 02:39 03:06

2005 Jul 07 .................. M4.9 171, 1600 61�2 18�2 43 16:07:21 16:20:50 . . . . . . 16:29 17:06

2005 Jul 09 .................. M2.8 171, 1600 48�2 19�2 29 21:55:55 22:05:27 . . . . . . 22:06 22:30

2005 Jul 30 .................. X1.3 171 . . . . . . . . . . . . . . . . . . . . . 06:35 06:50

2005 Sep 17................. M9.8 171, 1600 67�2 46�2 21 06:02:15 06:04:53 06:05:40 47 06:05 No

a �1 and �2 refer to the initial and final shear angles, respectively.
b tEUV1 and tEUV2 refer to the time when the initial and final shear angles are measured, respectively.
c The time when the impulsive phase stops.
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TABLE 2

Type II and Type III Flares without Shear Motion

Date GOES Class

Observed Band(s)

(8)
GOES Peak Time

(UT) Ribbon Separation

CME Onset Time

(UT)

2001 May 05a ........................ M1.0 171, 1600 08:56 Small No

2001 Aug 05b ........................ M1.7 171, 1600 15:31 No No

2001 Aug 05b ........................ M4.9 171, 1600 22:24 No No

2001 Oct 31c.......................... M3.2 171 08:09 No No

2001 Nov 10c......................... M1.0 1600 00:50 No No

2001 Dec 29c ......................... M1.1 1600 05:45 No No

2003 Jan 22a .......................... M1.2 171 04:44 Small 05:06

a Type II flares.
b Type IIIA flares.
c Type IIIB flares.

Fig. 1.—Event on 2001 April 26. (a) HXR (E ¼ 33Y53 keV ) time profile observed by YohkohHXT. The end of the impulsive phase is marked as a vertical line. (bYd )
EUVimages at 1718 observed by TRACE at different times. (e) TRACEEUVimage overlaid with corresponding photosphericmagnetic field (SOHOMDI) contours. The
black and white contours represent the positive and negative magnetic polarities, respectively. ( f, g) TRACE EUV images at different times overlaid with white contours
that represent the brightenings. The white lines refer to the magnetic inversion line (MIL, SOHO MDI), and the thick white lines represent the simplified MIL. The
brightenings connected by the black lines are conjugate footpoints.



selection criteria are different. All of the flares we selected must
have two long and nearly parallel ribbons observed by TRACE,
which is not required byBogachev et al. (2005). (2) Bogachev et al.
(2005) used HXR data observed by Yohkoh HXT (2.4700 pixel�1),
while we are measuring the EUV/ UV footpoints using the
much higher spatial resolution (0.500 pixel�1) data observed by
TRACE.

As mentioned in x 1, there are mainly three types of HXR
footpoint motions: ribbon separation, shear motion, and motion
in the same direction (Bogachev et al. 2005). In this paper, al-
though we focus our study on the shear motion of EUV/UV
footpoints, we have also checked for the other two types of mo-
tions, i.e., ribbon separation and motion in the same direction.
We have found that all of the 43 type I flares show both ribbon
separation and shear motion, and the brightest footpoints in
22 out of the 43 type I flares show ‘‘same direction’’ motion along
with the shear motion and ribbon separation. This indicates that a
mixture of these three types of motion often exists in two-ribbon
eruptive flares.

3.1.2. Shear Angles of the Footpoints in Type I Flares

In order to get a quantitative determination of the shear
motion of conjugate footpoints, we have selected 24 events out
of the 43 type I flares, representing those events for which the
MIL information and TRACE observations are good enough to
(1) represent the magnetic inversion line using a straight line and
(2) identify the initial and final conjugate footpoints. The initial
and final shear angles of these events have been measured and
listed in Table 1. The shear angle is defined as the angle between
the line connecting the conjugate footpoints and the line perpen-
dicular to the magnetic inversion line.

We have developed a semiautomatic program to measure the
shear angles of these events. The projection effects of events close
to the limb have been corrected bymoving the source region to the

solar disk center in software. The process of measuring the shear
angles is described as follows:

1. Inspect and compare all of the EUV/UV images overlaid
with magnetic field contours during the flare to select two EUV/
UV images. The first image is the one when the initial brightenings
(e.g., white contours on Fig. 1b) appear, and the second image is the
one when the shear change of footpoints stops (e.g., Fig. 1b). For
those flares without SOHOMDI observations, all of the EUV/UV
images are shown as contours overlaid on the BBSO H� image
closest in time, and the MIL is indicated by the filament.
2. Select the initial and final conjugate footpoints from the

two images. Most events start as two bright kernels appearing on
both sides of theMIL. These two bright kernels will be identified
as the initial conjugate footpoints if they are subsequently con-
nected by corresponding postflare loops (e.g., Fig. 1c). Two long
ribbons composed of many bright kernels have been formed by
the time the shear motion of the footpoints stops. We choose the
brightest brightening pair at the end of shear change as the final
conjugate footpoints. Furthermore, the corresponding postflare
loops for most of these brightening pairs at this time are roughly
parallel to each other (e.g., Fig. 1d ), which means that the shear
angles of most of the brightening pairs are similar.
3. The angle between the line connecting the two conjugate

footpoints (black line in Figs. 1 f and 1g) and the simplified mag-
netic inversion line (thickwhite line in Figs. 1f and 1g) ismeasured
using our semiautomatic program. This angle can be measured
by clicking the start and end points of the MIL and the two con-
jugate footpoints on the image. Note that the shear angle is com-
plementary to the angle thus measured.

The various parameters of all type I flares are listed in Table 1.
The histogram of event number in terms of the initial and final
shear angles (Fig. 3a) shows that the initial and final angles in
most events are in the range from 50

�
to 80

�
and from 15

�
to 55

�
,

Fig. 2.—Type II and III flares. Left: Images for event 2001 May 5, and the FOV is 15000 ; 12500. (a) TRACE image at around the GOES flare peak time overlaid with
white contours representing the bright kernels at the flare onset. (b) TRACE image at the flare onset overlaid with photospheric magnetic contours. The black and white
contours refer to the positive and negativemagnetic polarities (SOHOMDI), respectively.Middle: Similar to the left panels, but for event 2001November 10, and the FOV
is 10000 ; 8500. Right: Similar to the left panels, but for event 2001 August 5, and the FOV is 7000 ; 6000.
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respectively. The distribution of the final shear angle may sug-
gest that the magnetic field does not generally relax fully to a po-
tential state (Gibson & Fan 2006b). This is because reconnection
under high electrical conductivity approximately conserves the
global magnetic helicity, according to Berger & Field (1984).
Thus, coronal fields will naturally produce a flux rope, rather
than a potential field, as a metastable state (Zhang & Low 2005).
It is worth noting here that, due to the uncertainties in our method
of measuring shear angle (e.g., we use a simplified straight line
to represent the magnetic inversion line), we cannot exclude the
possibility that the magnetic field does relax to a fully potential
state after the flare for some events, especially those events hav-
ing final shear angle less than 15

�
. In order to make sure if the

magnetic field relaxes to a fully potential state or not, we should
make detailed calculations using the potentialmagnetic fieldmodel,
which is beyond the scope of this paper.

Figure 3b is the histogram of event number in terms of the
change of shear angle, which shows that the change of shear angle
is distributed in the range between 15

�
and 60

�
.

3.2. Type II and III Flares

These types of flares have no obvious shear change of the
footpoints. All of these flares have relatively low soft X-ray flux
(GOES class <M5).

Type II flares (marked as ‘‘a’’ in Table 2) show very small rib-
bon separation during the flare (e.g., Fig. 2a).We found two such
events. In both cases, a filament is seen before the flare in both
TRACE and the H� images (BBSO). The two ribbons initially
appear close to the magnetic inversion line, then move outward
very slightly away from the MIL. There is no observable fila-
ment activation associated with event 2001May 5, but a filament
eruption is seen to be associated with event 2003 January 22.
Both type II flares have single-bipole magnetic field configura-
tion (Fig. 2b).

We found five type III events (marked as ‘‘b’’ and ‘‘c’’ in Table 2),
inwhich there is no observed ribbon separation. The brightenings of
all type III flares appear at a position far from the magnetic in-
version line, and the shear of the conjugate brightenings is very
weak at the flare onset. As the flare progresses, the two ribbons
may show some expansion along the direction parallel to the
inversion line, but there is no motion along the direction per-
pendicular to the MIL at all throughout the entire flare process
(i.e., Figs. 2c and 2e). Type III flares are divided into two sub-
groups (i.e., type IIIA and type IIIB marked as ‘‘b’’ and ‘‘c’’ in

Table 2, respectively) based on the photospheric magnetic field
configuration. The difference between type IIIA and type IIIB
flares is that type IIIA flares have a complicated magnetic field
configuration (e.g., Fig. 2d ), whereas type IIIB flares have a
simple single-bipole magnetic field configuration (e.g., Fig. 2f ).

4. EJECTIVE AND CONFINED FLARES

Flares have been categorized in many different ways, but two
particular types, the simple-loop (compact or confined) flare and
the two-ribbon (dynamic or ejected) flare, may be particularly
significant (Pallavicini et al. 1977; Moore et al. 1980; Priest
1981). In compact flares we see brightenings of loops that do not
show any apparent expansion, rise, or other kinds of motion. In
H� , the brightened footpoints of the flare stay in the same po-
sition until they decay. They do not appear to be associated with
filament disruption (which is a characteristic feature of the two-
ribbon flares), nor with white-light coronal transients (which are
consequences of the filament disruptions; Priest 1981). The two-
ribbon flares are much larger and more dramatic than a compact
flare and take place near a solar prominence or filament. During
the flash phase, two ribbons of H� emission form, one on each
side of the filament (or filament channel), and throughout the
main phase the ribbonsmove apart at 2Y10 km s�1. Occasionally,
the filament remains intact, although slightly disturbed, but usu-
ally it rises and disappears completely (Priest 1981). Following
Svestka (1986), the first class of flares are called ‘‘confined’’ flares
to emphasize their essential difference from the other classes,
and the other class are called ‘‘ejective’’ flares (Machado et al.
1988).

In this section we compare our classification scheme (x 3) with
that of Svestka (1986) and introduce some available models for
these flares. We classify those flares having both ribbon separa-
tion and corresponding CMEs into the ejective flare category. For
some flares we do not find corresponding CMEs from the SOHO
LASCO CME Catalog, and we call these flares ‘‘possibly ejec-
tive.’’ Flares having no ribbon separation nor corresponding
CMEs are classified into the confined flare category. We regard
the flare and CME as associated if the CME onset time (first ap-
pearance time at LASCO C2) is within a�2 hr time window of
the flare peak time and the position of the flare lies in the range of
the CME span, defined as the position of the CME � half of the
CMEwidth�15� (Zhang & Golub 2003). If the CME candidate
is a halo CME, then the center of the TRACE field must lie within
45

�
of disk center in both longitude and latitude; otherwise, the

Fig. 3.—Histograms for the 24 type I flares with measured shear angle. (a) Histogram of event number in terms of the initial and final shear angles. (b) Histogram of
event number in terms of the change of shear angle. The bin size in these two histograms is 5�.
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latitude of the center position of the TRACE field must lie in the
range of the CME span, according to Zhang et al. (2002).

4.1. Ejective or Possibly Ejective Flares

From Tables 1 and 2 we can see that 36 type I flares plus one
type II flare belong to the ejective flare category. For this type of
flare, there is now a generally accepted picture for the overall
three-dimensional magnetic field and its change during the flare.
This standard picture is basically the one proposed by Hirayama
(1974), which (with various modifications, refinements, and
changes in emphasis) has been adopted by many flare modelers
(Moore et al. 1995 and references therein). In this scheme, the
flare energy release is driven by the eruption of a magnetic flux
rope from the sheared core of a closed bipolar magnetic field
(Moore 1988; Forbes 1992). The strong-to-weak shear motion of
the footpoints is interpreted as magnetic reconnection progressing
from a highly sheared to a less sheared region (Fig. 11 in Paper I ).
This strong-to-weak shear motion of the footpoints or of the ‘‘post-
flare’’ loops is seen in a magnetohydrodynamic (MHD) simulation
of the nonlinear development of instabilities of magnetically
sheared arcades made byManchester (2003; see his Fig. 2). MHD
simulations of the eruption of a three-dimensional flux rope done
by Gibson & Fan (2006b) andManchester et al. (2004) also show
this motion (see their Figs. 5gY5i ).

For the other seven type I flares and one type II flare, the corre-
sponding CME information is uncertain. The CME onset times for
all of the flares we studied are listed in the last column of Tables 1
and 2. For two flares the CME information is uncertain because
there is a gap in LASCO observations (marked as ‘‘No data’’). For
the other six flares, we do not find corresponding CMEs fitting our
criteria. Note that although we do not find corresponding CMEs
from the LASCO C2 observations, we cannot say that these flares
are not associated with CMEs because the associated CME may
be tooweak to be detected by the SOHOLASCOC2.We call these
flares possibly ejective flares because they show ribbon separa-
tion, but there is no certain corresponding CME information.

For two out of these eight possibly ejective flares, we see ob-
vious filament eruptions in EUVobservations made by TRACE.
Although the corresponding CME information is uncertain, we
suggest that these two possibly ejective flares, similar to ejective
flares, may also be caused by the ejective eruption of the sheared
core field (Moore et al. 2001). It is worth noting that in this
scheme, all or part of the filament (sheared core field) is often
seen to erupt in association with a flare. However, according to
Gibson & Fan (2006a, 2006b), the degree to which the initially
dipped field was filled with filament mass, as well as the location
of this mass relative to where the flux rope breaks in two, would
then determine whether all, some, or none of the filament would
actually be observed to erupt and escape with the CME. If only
the lower dips were filled with filament mass, the filament might
not show any sign of eruption at all, which may explain why
we do not see filament eruption in the other six possibly ejective
flares (e.g., event 2001 May 5). Since the flux rope or the enve-
lope of the sheared core field can break in two (Gibson & Fan
2006a, 2006b; Paper I ), a weak CME may happen if only a
smaller upper part of the flux rope (CME) is ejected, and the
larger lower part of the flux rope is left behind. Therefore, these
six possibly ejective flares may be caused by partial eruption of
the flux rope (or sheared core field).

4.2. Confined Flares

It is known that ribbons of large two-ribbon flares separate as a
function of time, which can be interpreted by the classical two-
dimensional magnetic reconnectionmodel discussed in x 1. How-

ever, the separation of ribbons is not universal, and we observed
several small two-ribbon flares (i.e., type III flares) that have no
ribbon separation at all throughout the entire flare process. The
ribbons of these flares are not close together at the flare onset and
no strong shear of the footpoints is observed either, which is con-
sistent with the earlier results reported by Tang (1985) and
Kurokawa (1989).
We find that all five type III flares belong in the confined

category for which no corresponding CMEs have been found
from the SOHO LASCO observations, and all five of these flares
have low soft X-ray peak flux (GOES class<M5). These obser-
vations suggest that only a small amount of energy is released in
these flares; therefore, there might be very little free energy stored
prior to the flare.
In the following we discuss our observations in the context of

models for confined flares:

1. Emerging (or evolving) flux model.—According to this
model, a (small) confined flare occurs if the new flux appears in a
region where no great amount of magnetic energy in excess of
potential is stored (Heyvaerts et al. 1977; Shibata et al. 1992).
All three type IIIA flares have complicatedmagnetic field config-
uration, such as in the flare on 2001 November 10 (e.g., Fig. 2d ):
the negative polarity is surrounded by the positive polarities and
the magnetic inversion line is strongly contorted; therefore, this
MIL can be treated as two magnetic inversion lines. However,
the two type IIIB flares have a single bipolar configuration, and
the magnetic inversion line is nearly straight. More than one mag-
netic inversion line is needed tomake thismodel work. Therefore,
this model seems possible for the type IIIA flares but may not fit
the type IIIB flares.
2. (Resistive) kink instability.—When a loop is twisted by

more than a critical amount, it becomes kink or resistive kink
unstable. If ideal kink occurs, the loop may become contorted
and develop current sheets in the nonlinear development. If the
resistive kink takes place, one or several current sheets form at
which the magnetic energy is dissipated (Sakurai 1976; Priest
1981; Gerrard & Hood 2003). A recent simulation done by
Török & Kliem (2005) shows that the kink instability of coronal
magnetic flux ropes could drive confined eruptions if the decrease
of the magnetic field above the flux rope is not steep enough. For
our confined flares, we do not see any observational evidence that
supports thismodel, but we also do not have enough observational
evidence to rule out this possibility.
3. Confined explosion of a sheared core bipole.—The

sheared core field and filament undergo an eruption that is soon
arrested within the confines of the closed bipole, and the flare has
a correspondingly short duration (Moore et al. 2001). This model
predicts that the brightenings at the flare onset are highly sheared
and close to the inversion line, while our observations show that
the brightenings in the five confined (i.e., type III ) flares at the
flare onset are weakly sheared and far away from the inversion
line (e.g., Fig. 2).

4.3. An Energy Scale for Two-Ribbon Flares

Table 3 shows the relationship between the two types of clas-
sification for all of the flares we studied using different criteria.
From Table 3 we can see that ejective flares almost always show
shear change of the footpoints (only 1 counterexample out of 37).
There are two flares that show ribbon separation but no shear
motion. However, shear motion of the footpoints is always ac-
companied by ribbon separation.
The eruptive or noneruptive behavior of flares is likely de-

termined by the relative amount of free energy ", i.e., the ratio of
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the magnetic free energy�E released in the flare and the energy
�Eopen required to open up the field. For " � 1 sufficient en-
ergy is available to produce an eruption, whereas for "T1 only
confined flares are energetically possible. We suggest that this
ratio " also determines the type of footpoint motions that occur
within the flare. Figure 4 shows a schematic representation of the
flare energy scale sequence of the three types (types I, II, and III )
of flares. Type I flares are the most powerful eruptions, which
show both shear motion of the footpoints and ribbon separation,
and most of these flares are associated with CMEs. This suggests
that a large amount of free energy is stored in the corona prior to
this type offlare, " � 1. Type II flares are relatively smaller flares,
and they only show very small ribbon separation, but no mea-
surable shear change of the footpoints, and only one of the ob-
served type II flares is associatedwith a CME. These observations
may indicate that the free energy stored in the magnetic field in
these flares is relatively small, i.e., " < 1, which causes very small
ribbon separation and no obvious shear change of the footpoints.
Type III flares show no shear change of the footpoints nor ribbon
separation, and no corresponding CMEs. There is for such flares
onlyminor nonpotentiality and thus the energy in the corona prior
to eruption is small (Priest & Forbes 2002).

5. TIME DIFFERENCE BETWEEN THE CESSATION
OF SHEAR MOTION AND THE END OF IMPULSIVE

PHASE IN TYPE I FLARES

We have selected 14 events with good corresponding HXR
(YohkohHXTorRHESSI ) observations out of the 24 type I flares
with measured shear angle, in order to answer the question,
could the transition from impulsive to gradual phase be related to
the magnetic shear change?

In the impulsive phase of these flares, the HXR and gamma-
ray emission rises impulsively, often with many short but intense
spikes of emission, each lasting a few seconds to tens of seconds.
The end of the impulsive phase in this study is defined as the last
peak of the impulsive phase (e.g., the vertical line in Fig. 1a). We
note that inmost events, the time of the end of the impulsive phase
is earlier than the GOES soft X-ray peak time, which is listed in
Table 1. In the gradual phase, theHXR and gamma-ray fluxes start

to decay away more or less exponentially with a time constant of
minutes (e.g., Fig. 1a).

The histogram of the time difference between the end of the
HXR impulsive phase and the cessation of the shear change
shows that in most events, the cessation of shear change is 0Y
2 minutes earlier than the time when the impulsive phase stops
(Fig. 5).

This observation indicates that during the impulsive phase
magnetic reconnection occurs mainly in the highly sheared re-
gion (within the filament channel), but reconnection progresses
out to the weakly sheared region (outside the filament channel)
during the gradual phase. This result implies that the change from
impulsive phase to gradual phase may be related to the magnetic
shear change as suggested by Lynch et al. (2004), although the
two changes do not happen at exactly the same time. The obser-
vation also indicates that the splitting of the sheared envelope of
the highly sheared core field happens near the end of the impulsive
phase in most cases, since the cessation of shear change may be
interpreted as this splitting of the sheared envelope (Paper I ).

6. SUMMARY

We have, for the first time, carried out a statistical study of
shear motion of the UV/EUV footpoints in a large sample (50)
of well-observed X and M class two-ribbon flares, observed by
TRACE in 1998Y2005. These flares are classified into three groups:
type I flares, which show shear motion of footpoints and ribbon
separation; type II flares, which show ribbon separation but no
measurable shear motion of footpoints; and type III flares, which

TABLE 3

Classification of ‘‘Ejective’’ and ‘‘Confined’’ Flares

Type (Motion)

Ejective

(CME)

Possibly Ejective

(CME?)

Confined

(No CME)

I (RSa and SMb )..................... 36 7 0

II (RS)...................................... 1 1 0

III (no motion) ......................... 0 0 5

a Ribbon separation.
b Shear motion.

Fig. 4.—Schematic representation of the flare energy scale indicating the type of flare footpoint motions. Here ‘‘"’’ refers to the relative amount of magnetic free energy
in the corona prior to the flare.

Fig. 5.—Histogram of event number in terms of the time difference between
the end of theHXR impulsive phase and the cessation of the change of shear angle
in the 14 type I flares with both measured shear angles and corresponding HXR
observations. The time bin size is 1 minute.

SHEAR MOTION OF FOOTPOINTS IN TWO-RIBBON FLARES 613No. 1, 2007



show no shear motion of the footpoints or ribbon separation. We
also compared our classification with the traditional classification
of ejective and confined flares (Svestka 1986). Our results can be
summarized as follows:

1. Our study shows that 86% (43 out of 50) of the flares belong
to type I, and all type I flares (ejective or possibly ejective) show
obvious ribbon separation during the flare. This 86% fraction is
much larger than the 45% (14 out of 31) fraction reported by
Bogachev et al. (2005). Our observations indicate that both shear
motion of conjugate footpoints and ribbon separation are common
features in two-ribbon flares. These flares may be interpreted with
the well-accepted standard picture of two-ribbon eruptive flares,
which is the (whole or partial) eruption of a magnetic flux rope
from the sheared core of a closed bipolar magnetic field (Moore
et al. 1995 and references therein). A detailed description of this
standard model and the interpretation of shear motion of foot-
points are given in Paper I.

2. Ejective flares (which have ribbon separation and correspond-
ing CMEs) almost always show shear change of the footpoints
(only 1 counterexample out of 37). There are two flares that show
ribbon separation but no shear motion. However, shear motion of
the footpoints is always accompanied by ribbon separation, which
is not consistent with the result reported by Bogachev et al. (2005),
who found that 8 out of the 31 flares show mainly shear motion.

3. The initial and final angles of the footpoints in 24 type I
flares have been measured, and they are mainly distributed in the
range from 50� to 80� and from 15� to 55�, respectively, in most
events. This result may indicate that the magnetic field relaxes to-
ward, but does not generally reach, a fully potential state. However,
we cannot exclude the possibility that the magnetic field does re-
lax to a fully potential state after the flare for some events, especially
those events having final shear angle less than 15

�
, due to the

uncertainties in ourmeasurements of the shear angle. The change
of shear angle is in the range between 15� and 60�. This mea-
surement of the distributions of the initial and final shear angles
may provide some constraints on three-dimensional magnetic
reconnection models for solar eruptions.

4. Some flares show no shear change of the conjugate foot-
points during the flare. These flares have either no obvious ribbon
separation (five type III flares) or very small ribbon separation

(two type II flares). Similar to type I flares, type II flares may also
be driven by the (whole or partial) eruption of amagnetic flux rope
from the sheared core of a closed bipolar magnetic field, but we
speculate that these are partial eruptions involving a relatively
small amount of axial magnetic flux. The brightenings of type III
flares appear at a position far from the magnetic inversion line at
the flare onset, and no ribbon separation is observed during the
flare. These flares belong to the confined flare category. Our ob-
servations in the context of several models for confined flares are
discussed in x 4.2.
5. The cessation of shear change is 0Y2 minutes earlier than

the end of the impulsive phase in 10 out of the 14 eventswithmea-
sured shear angle and correspondingHXRobservations. This pro-
vides a positive answer to our hypothesis, namely, that the change
from impulsive to gradual phase appears to be related to the mag-
netic shear change.
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ABSTRACT

We present a comprehensive statistical study addressing the question of what determines the intensity of a solar
flare and associated coronal mass ejection (CME). For a sample of 18 two-ribbon flares associated with CMEs, we
have examined the correlations between theGOES soft X-ray peak flare flux (PFF), the CME speed (VCME) obtained
from SOHO LASCO observations, and six magnetic parameters of the flaring active region. These six parameters
measured from both TRACE and SOHOMDI observations are: the average background magnetic field strength (B),
the area of the region where B is counted (S ), the magnetic flux of this region (�), the initial shear angle (�1, mea-
sured at the flare onset), the final shear angle (�2, measured at the time when the shear change stops), and the change
of shear angle (�12 ¼ �1� �2) of the footpoints. We have found no correlation between �1 and the intensity of flare/
CME events, while the other five parameters are either positively or negatively correlated with both log10(PFF) and
VCME. Among these five parameters, � and �12 show the most significant correlations with log10(PFF) and VCME.
The fact that both log10(PFF) and VCME are highly correlated with �12 rather than with �1 indicates that the inten-
sity of flare/CME events may depend on the released magnetic free energy rather than the total free energy stored
prior to the flare.We have also found that a linear combination of a subset of these six parameters shows amuch better
correlation with the intensity of flare/CME events than each parameter itself, and the combination of log10�, �1, and
�12 is the top-ranked combination.

Subject headinggs: Sun: corona — Sun: coronal mass ejections (CMEs) — Sun: flares — Sun: magnetic fields —
Sun: photosphere

1. INTRODUCTION

Solar flares, prominence eruptions, and coronal mass ejections
(CMEs) are magnetic phenomena thought to be powered by the
magnetic free energy (i.e., the difference between the observed
total magnetic energy and the potential field magnetic energy)
stored in the corona prior to the eruption. Storage of free energy
requires a nonpotential magnetic field, and it is therefore asso-
ciated with a shear or twist in the coronal field away from the
potential, current-free state (Priest & Forbes 2002). One indica-
tion of such a stressed magnetic field is the presence of a promi-
nence. Another important indicator of a stressed magnetic field is
the presence of sigmoid signatures discovered by Rust & Kumar
(1996) and Canfield et al. (1999) with Yohkoh. Indeed, they have
found that active regions that are sigmoidal to be the most likely
to erupt. Lin (2004) pointed out that the free energy stored in a
stressed magnetic structure prior to the eruption depends on the
strength of the background field, so the stronger the background
field, the more free energy can be stored, and thus the more en-
ergetic the eruptive process. The results obtained by Falconer
et al. (2006) agree with the total nonpotentiality (total free en-
ergy) of an active region being roughly the product of the overall
twist and the flux content of its magnetic field.

A positive correlation between the potential field magnetic en-
ergy of the active region and the CME speed has been found by
Venkatakrishnan & Ravindra (2003). Guo et al. (2006, 2007)
have found a weak correlation between the total magnetic flux of
an active region and the CME speed. However, a statistical study
of 49 filament eruption-associated CMEs by Chen et al. (2006)

showed that the CME speeds are strongly correlated with both
the average magnetic field and the total magnetic flux in the
filament channel, and the corresponding linear correlation coef-
ficients (LCCs) are 0.7 and 0.68, respectively. Using the cat-
astrophic loss of equilibrium model, Lin (2002, 2004) found
that the cases with higher background fields correspond to fast
CMEs and lower fields corresponds to slow CMEs. Reeves &
Forbes (2005) also found that when the background magnetic
field is weak, the radiation emitted by the reconnectedX-ray loops
beneath a CME (i.e., flare intensity) is faint for an extended ver-
sion of the Lin & Forbes (2000) model.
Good correlations have been found between different pa-

rameters representing the magnetic shear (or twist) or the non-
potentiality of the active region and the flare/CME productivity
(Falconer et al. 2006; Jing et al. 2006, and references therein).
As mentioned previously, several authors have found a posi-
tive correlation between the background magnetic field strength,
magnetic flux, or potential magnetic field energy and the CME
speed. However, to our knowledge, few studies have been made
of the relationship between the magnetic shear or nonpotentiality
of the background field and the intensity of flare/CME events
(i.e., peak flare flux andCME speed). Our previous study (Su et al.
2007, hereafter Paper I) shows that 86% of the 50 events we
examined show a strong-to-weak shear motion of the footpoints
during the flare, which indicates that it is a common feature in
two-ribbon flares. In Paper I, we have also measured the initial
shear angle (�1, measured at the flare onset) and final shear angle
(�2, measured at the time when the shear change stops) of the
flare footpoints for 24 events having shear motion of the foot-
points and good observations. A detailed interpretation of this
shear motion is given by Su et al. (2006), according to a three-
dimensional magnetic field configuration having highly sheared
inner and less sheared outer magnetic field lines in the preflare
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phase (Moore et al. 2001, and references therein). Some detailed
studies of both the shear motion and the contracting motion of
the footpoints in some individual flares are carried out by Ji et al.
(2006, 2007).

Solar flares can be classified as A, B, C, M, or X class accord-
ing to the soft X-ray peak flux measured by GOES, and CME
speed can also vary from less than 100 km s�1 to several thou-
sand km s�1. An important question is: what determines themag-
nitude of these quantities? In this paper we address this question
by examining how the peak flare flux (PFF,Watt m�2) and CME
speed (VCME, km s�1) correlates with six magnetic parameters
using a subset of two-ribbon flares selected from Paper I. Three
of the parameters are measures of the magnetic size: the aver-
age background magnetic field strength ( B, gauss), the area of
the region where B is counted (S, cm2), and the magnetic flux
of this region (�, Mx). The other three parameters are measures
of the magnetic shear: the initial shear angle (�1, degrees), the
final shear angle (�2, degrees), and the change of shear angle
(�12 ¼ �1 � �2, degrees) of the footpoints during the flare. We
examine the correlations between the intensity of flare /CME
events and each of these six parameters as well as three types of
multiparameter combinations. We also study the fraction of the
contribution to the total variance of the observed log10(PFF) and
VCME from each parameter for these three types of combinations.

This paper is arranged as follows. The data sets and the mea-
surement methods are described in x 2. Our results are presented
in x 3, and summary and discussion are given in x 4. The detailed
formulae for calculating the coronal magnetic field strength
and the multiple linear regress fit are listed in the appendices.

2. DATA SELECTION AND METHODS

In Paper I, we have found that 43 out of the 50 selected two-
ribbon flares show both strong-to-weak shear motion of the
footpoints and ribbon separation. All of these 43 flares (which
are listed in Table 1 in Paper I) have two long and parallel rib-
bons located on the two opposite magnetic polarities, as can be
seen from a combination of the TRACE EUV/UV and SOHO
MDI observations, and an example is shown in Figure 1. In this
study, we first select a subset of 31 flares from the 43 flares, to
examine the correlations between the log10(PFF), VCME, and the
background field strength. All of these 31 flares are associated
with CMEs and have good corresponding MDI observations.
Among these 31 events, 26 events are close to the disk center
(longitude < 45

�
), while the other 5 events are close to the solar

limb (longitude > 45
�
). The associated CME for each flare is

identified based on both temporal (GOES flare peak time�2 hr)
and spatial windows. A detailed description of the criteria can
be found in Paper I. From the 31-flare sample we then select
18 flares with measured shear angles of the footpoints to examine
the correlations between six magnetic parameters and the inten-
sity of these flare/CME events.

The peak flare flux is derived from the GOES soft X-ray
classification, which is listed in Table 1 in Paper I. In addition
to the peak flare flux, we also considered the GOES integrated
X-ray flare flux (IFF, J m�2), which is taken from the National
Geophysical Data Center.3 The CME speed is the linear speed
taken from the SOHO LASCO CME catalog.4 Since most of our
events originated near the solar disk center, they probably in-
volve projection effect for the CME speed. In order to correct the
projection effect of the CME speed, we adopt a formula by

Leblanc et al. (2001), which assumes radial propagation of
CMEs. In this formula, the radial speed (Vrad) is given by

Vrad ¼ Vsky

1þ sin �

sin �þ sin �
; ð1Þ

in which � is the half angular width of the CME, and � is the
angle between the radial passing through the solar origin and the
Earth direction given by cos � ¼ cos k cos  , where k and  are
heliolatitude and heliolongitude, respectively. Unfortunately,
it is very difficult to measure the angular width of halo CME,
which is the dominating type of CMEs that we studied and also
subject to projection effects. Therefore, we have taken the aver-
age angular width value (i.e., � ¼ 36�) listed in St. Cyr et al.
(2000) for all the 31 events, as suggested by Leblanc et al.
(2001). Using the above formula and the coordinate information
of all the events, we have estimated their radial speed as the cor-
rected CME speed. The estimated correction factor ranges from
1.09 to 3.8. In this paper, we call the CME speed obtained di-
rectly from the catalog VCME, and the radial speed after the cor-
rection of projection effect VC�CME, respectively.

2.1. Measurement Uncertainties of the Shear Angles

Within our 31-flare sample, the shear angles (�1, �2, �12) of
20 flares have beenmeasured and listed in Table 1 in Paper I. The
shear angle is defined as the angle between the normal to the
magnetic inversion line and the line connecting the conjugate
footpoints. The detailed measurement method of these shear an-
gles is illustrated in Figure 1 in Paper I. There are three types of
uncertainties in the measurement of the shear angles. First, there
are some uncertainties in defining conjugate footpoints, espe-
cially for the initial footpoints, which are defined as the first
two brightenings that appeared at the flare onset. The difficulty
arises because the corresponding postflare loops do not always
show up in TRACE data for the initial conjugate footpoints. To
minimize this uncertainty, we select 18 flares from the 20 flares
having measured shear angles, because we do not see the cor-
responding postflare loops for the initial conjugate footpoints in
the other two flares (i.e., flares on 2000 November 24 and 2003
May 31). Second, the inversion line is often difficult to define
due to the separation of magnetic polarities and complex shape
of the inversion line. Therefore, as described in Paper I, to mea-
sure both �1 and �2 we replaced the real complicated magnetic

Fig. 1.—SOHOMDI image overlaid with TRACE contours (in white) at 1958
on 2000 June 10. The white and black spots in MDI image show the positive and
negative polarities, respectively. The area enclosed in the white box is the region
where the three parameters representing the magnetic size are measured.

3 See http://www.ngdc.noaa.gov/stp/SOLAR/ftpsolarflares.html.
4 See http://cdaw.gsfc.nasa.gov/CME_list /.
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inversion line with a simplified straight line, which causes some
uncertainty in these two angles. However, the change of shear
angle �12 is unaffected by such uncertainty. Third, the footpoints
always extend over multiple pixels; therefore, for each footpoint
we measure an average position with some uncertainty. The un-
certainty of the footpoint positions results in an uncertainty of the
shear angle, which is listed in Table 1 in Paper I. Despite these
uncertainties, the shear angle is a useful proxy for the non-
potential fields involved in these flares.

2.2. Measurement Methods of the Magnetic Size

The other three parameters (i.e., B, S, and �) are measured
from the line of sight SOHO MDI magnetograms (at a cadence
of 96 minutes) immediately before each flare. To measure these
parameters, we first align the TRACE EUV/UV images with the
corresponding SOHOMDI magnetograms. To do the alignment,
we first determine the offset between the TRACE white light
(WL) image and the correspondingMDI magnetogram.We then
apply this offset to the TRACE EUV/UV images. Figure 1 shows
a magnetogram of active region 9062 overlaid with the white
contours, which refer to the two flare ribbons observed at 195 8
at 16:47:38 UT on 2000 June 10. By comparison of the MDI
magnetogram with the corresponding TRACE EUV image, we
then select a subarea (the area enclosed in the white box in Fig. 1)
of the magnetogram that includes the magnetic elements im-
mediately surrounding the flare ribbons, since these elements are
expected to be the dominating magnetic fields that provide en-
ergy to the solar flares and CMEs. This selected subarea of the
magnetogram is used to measure the three parameters repre-
senting the magnetic size.

MDI magnetograms systematically underestimate magnetic
field strength and saturate at high magnetic field strength values
(Berger & Lites 2003). Following Green et al. (2003) we first
multiply the raw MDI data by 1.45 for values below 1200 G and
by 1.9 for values above 1200 G to obtain the corrected flux den-
sity (BMDI). Since most of our events are not located exactly at
the solar disk center, the correction for the angle between the
magnetic field direction and the observer’s line of sight is needed.
To do this correction, we assume a purely radial magnetic field
and apply the following cosine corrections to each pixel follow-
ing McAteer et al. (2005):

Bcor ¼
BMDI

sin arccos(d=r)½ � ; ð2Þ

where d is the distance from disk center, and r is the heliocentric
radius of the solar disk, which is set to a typical value of 96000.
After these corrections, we have applied twomethods tomeasure
the background magnetic field strength.

The first method (method 1) is calculating the average pho-
tospheric magnetic field strength. In each selected subarea of
the magnetogram and for each magnetic polarity, we average
the magnetic field strength of all pixels within a contour at 20%
of the maximum magnetic field value. We select the 20% con-
tour, because it best defines the areas of the positive and negative
polarities most closely associated with the flare for our data
sample. For example, if there are sunspots involved, the 20%
contour will enclose the sunspots. We refer to the average mag-
netic field strength for the positive and negative polarities as Bpos

and Bneg. B is defined as the average of the absolute value of Bpos

and Bneg, i.e., ( Bpos

�� ��þ Bneg

�� ��)/2. The area (S ¼ P
Si) and mag-

netic flux (� ¼ P
BiSi) are the sum taken over all the pixels

within this 20% contour, andBi, Si are themagnetic field strength
and the area corresponding to each pixel, respectively. Similar to
Bi, the projection effect of Si is also corrected by applying the
cosine corrections. One may argue that this method is highly
arbitrary, because it depends heavily on the maximum magnetic
field strength value at a single pixel. But we should note that the
measurements are also controlled by the distribution of values
within the 20% maximum value contour. We also tried a fixed
threshold of 200G,which includesmore disconnected andweaker
background fields. This method produces worse correlations
with the peak flare flux and CME speed than the 20% contour
method. Therefore, we will use the 20% contour method in this
paper.
The second method (method 2) for measuring the background

field is estimating the coronal field strength at a point P above the
magnetic inversion line (MIL). The preflare magnetic field in
active regions is expected to be strongly sheared, so a potential-
field model cannot accurately describe the direction of the coro-
nal field. However, to estimate the field strength, a potential-field
model may be adequate. The point P is located at a height h
above the photosphere. For all of the events, we set h to be
7250 km (10 00 ), which is a typical value of the half distance be-
tween the two flare ribbons at theGOES flare peak time for most
of the events we studied. The projection of P in the photosphere
P0 is on the magnetic inversion line (MIL) involved in the flare/
CME events. The formulae we used to estimate the magnetic field
strength at P are shown in Appendix A. From these formulae we
find that the field strength Bcor is heavily dependent on the pho-
tospheric field at the points close to the point P0. In order to
minimize the random errors, for each event we make 10 measure-
ments of Bcor, by moving the point P0 along the magnetic inver-
sion line between the two flare ribbons. Bcor used below is the
average of these 10 values.

3. RESULTS

3.1. Peak Flare Flux and CME Speed
versus Magnetic Field Strength

The left four panels in Figure 2, from the top to the bottom,
show scatter plots of log10(PFF), log10(IFF), VCME, and VC�CME

versus B (method 1) for all of the 31 events, respectively, and the
right four panels show how the relationships change when B is
replaced with Bcor (method 2). The solid lines show the linear
fits to the data points, and the LCC of each plot is also presented
in each panel.
Figure 2 shows that both B and Bcor are positively corre-

lated with the intensity of flare/CME events represented by
log10(PFF), log10( IFF), VCME, and VC�CME. The distribution of
the points in the lower four panels of Figure 2 are more scat-
tered and the correlations are slightly worse in comparison to the
corresponding upper four panels, which may be due to larger ob-
servational uncertainties in the CME speed measurements. We
also see that B has slightly worse correlations with log10(PFF)
and log10( IFF), but slightly better correlations with both VCME

and VC�CME than Bcor. But overall, there is no significant dif-
ference between these two parameters. Therefore, we choose
B to represent the background magnetic field strength in the
following detailed studies.
The upper four panels of Figure 2 show that the IFF has bet-

ter correlations with both B and Bcor, in comparison to the PFF,
but only slightly. Since there is not much difference between the
scatter plots corresponding to IFF and PFF, and PFF is more
widely used to represent the flare class, we choose PFF to rep-
resent the flare intensity in the following detailed study. In
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comparison to VCME, the VC�CME shows slightly better correla-
tions with B and Bcor (see lower four panels in Fig. 2), which
indicates that the correction of the CME speed has only slightly
improved the correlations. Moreover, some overcorrection may
exist in this correctionmethod as suggested byGopalswamy et al.
(2001). Therefore, the original CME speed (VCME) is used to
represent the CME speed in the following detailed analysis.

CMEs are categorized as non-halo, partial-halo, and full-halo
CMEs for those having angular width lower than 120�, between
120� and 320�, and greater than 320�, respectively (Lara et al.
2006). The lower four panels of Figure 2 show that most of the
non-halo CMEs (triangles) have slower speed than the partial-
halo (asterisks) and full-halo CMEs ( plus signs), which is con-
sistent with the result reported by Lara et al. (2006), who propose
that the observed ‘‘halo’’ is the manifestation (compressed ma-
terial) of the shock wave driven by fast CMEs. But we do not see
an obvious difference between the speeds of partial-halo and full-

halo CMEs as reported by Lara et al. (2006), which may be due
to our smaller data sample. We also see no obvious differences in
the PFF and IFF between the flares associated with these three
types of CMEs as shown in the upper four panels of Figure 2.

Figure 3a presents the scatter plot of the coronal field strength
(Bcor) versus the CME speed (VCME) for the 31 events included
in this study. Different symbols represent the events with differ-
ent ranges of CME mass, and those CMEs with unknown mass
are marked with diamonds. The CME mass is taken from the
SOHO LASCO CME catalog. One should note that there are
generally large uncertainties in these numbers, because the es-
timation of the CME mass involves a number of assumptions
(Vourlidas et al. 2000). Figure 3a shows that the CMEs with
larger mass tend to have faster speed in our sample. If the mag-
netic forces driving the CME were roughly the same in all cases,
we would expect that the CME speed is inversely related to
CME mass, contrary to our finding in Figure 3a. This indicates

Fig. 2.—Scatter plots of the logarithm of the peak flare flux [log10(PFF), top row], the integrated flare flux [log10(IFF), second row], the CME speed (VCME, third row),
and the corrected CME speed (VC�CME, bottom row) vs. the background magnetic field strength for all of the 31 events included in this paper. The magnetic field strengths
in the left (B) and right (Bcor) columns are calculated using methods 1 and 2, respectively. The solid lines in each panel are the linear fits to the data points, and the linear
correlation coefficient (LCC) of the data points is presented in each panel. The flares associated with non-halo, partial-halo, and full-halo CMEs are marked using different
symbols, i.e., triangles, asterisks, and plus signs, respectively.
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that the scatter in this plot is not simply due to the different
CME mass.

We calculate CME speed as a function of the background field
strength at 1000 height above the photosphere (Bth), using the
extended Lin & Forbes model (2000) by Reeves & Forbes
(2005). The result is shown in Figure 3b. The plots with different
inflow Alfvén Mach number (MA) are marked with different
symbols. In the model, the CME accelerates in the early stages of
the event and then asymptotically approaches a constant veloc-
ity. This constant velocity is reported in the plot and refers to a
height of about three solar radii, which is similar to that of the
LASCO observations. The model predicts that the CME speed
increases with the background field strength, and for events with
the same background field strength, the CME speed also in-
creases with the Mach number (i.e., reconnection rate), but sat-
urates for MA � 0:1. This saturation occurs because the force
on the flux rope due to the current sheet becomes small when
MA � 0:1 is large (see Reeves 2006). Consistent with the theo-
retical model, our observations show that the events with stronger
background fields tend to have faster CME speeds. A com-
parison of Figures 3a and 3b suggests that much of the scatter in
the plot of Figure 3a may be caused by different reconnection
rates. However, there may be other contributions to the scatter in
Figure 3a, such as the measurement uncertainties for the CME
speed.

3.2. Peak Flare Flux and CME Speed
versus Six Magnetic Parameters

In x 3.1, we examined the relationship between the intensity
of the 31 flare/CME events and the background field strength.
In this section, we carry out a further detailed study for a subset
of 18 events with measured shear angles of the footpoints. The
magnetic parameters in these 18 events we considered can be
classified into two categories: parameters representing the mag-
netic size (log10B, log10S, and log10�), and parameters repre-
senting the magnetic shear (�1, �2, and �12).

At first, we examine the correlations between each parameter.
To do this study, we first check the correlations between the pa-
rameters in the same category. The correlation plots between
each pair of parameters representing magnetic size are shown
in Figures 4aY4c. We find that both log10B and log10S are pos-

itively correlated with log10�. This is not surprising, because �
is the product of B and S. We also find a weak anticorrelation
between log10B and log10S. For the other category with param-
eters representing magnetic shear, we find that �2 is highly cor-
related with both �1 and �12, as shown in Figures 4dY4e. But
we find no correlation between �1 and �12. This result indicates
that �2 is not an independent parameter. We then check the cor-
relations between the parameters in different categories. We find
a weak correlation between log10B and �12 (LCC ¼ 0:48), while
all of the other parameters in different categories are not corre-
lated with each other (LCC � 0:3). Figure 4f shows the corre-
lation plot of �1 versus �12/�1, so it is not surprising to see a weak
correlation in this plot. Figure 4f also shows that for the same
initial shear angle, the change of shear angle can vary in a very
large range in different events (0:24 � �12 /�1 � 0:96).
For these 18 events, the correlation plots of the three param-

eters representing magnetic size versus log10(PFF) and VCME

are shown in the top and bottom panels of Figure 5, respectively.
These parameters are log10B (left panels), log10S (middle pan-
els), and log10� (right panels). Each of these three parameters
is positively correlated with both log10(PFF) and VCME. Of these
parameters, log10S shows relatively weak correlation with the in-
tensity of flare /CME events, and the corresponding LCCs are
0.34. The correlation between log10B and the intensity of flare/
CME events appears to be slightly better but still weak (LCCs ¼
0:43, 0.38). Among these three parameters, log10� is the pa-
rameter that shows the best correlations with both log10(PFF)
(LCC ¼ 0:72) and VCME (LCC ¼ 0:62).
Similar to Figure 5, the top and bottom panels in Figure 6

show the correlation plots of the three parameters representing
magnetic shear versus log10(PFF) and VCME. These parameters
are �1 (left panels), �2 (middle panels), and �12 (right panels).
�1 is correlated neither with log10(PFF) nor with VCME, while
�2 is negatively correlated with the intensity of flare/CME events
(LCCs ¼ �0:42, �0.49). �12 shows good positive correlations
with both log10(PFF) (LCC ¼ 0:65) and VCME (LCC ¼ 0:59).
To summarize, five of these six parameters except the initial

shear angle (�1) show either positive or negative correlations
with both log10(PFF) and VCME. Among these five parameters,
the total magnetic flux of the region where the magnetic field
is counted (log10�) and the change of shear angle (�12) of the

Fig. 3.—(a) Scatter plots of the CME speed vs. Bcor for all of the 31 events.Bcor is the magnetic field strength at a 1000 height above the photosphere, which is calculated
from the observations using method 2. The CMEs with different ranges of mass (in units of g) are marked with different symbols, and those CMEs with unknownmass are
marked as diamonds. (b) Theoretical correlation plots of CME speed and the background magnetic field strength at a 10 00 height above the photosphere calculated from a
catastrophic loss of equilibrium model (Reeves & Forbes 2005). The different types of lines correspond to different values of Alfvén Mach number MA.
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footpoints during the flare are the two parameters that show the
strongest correlations with the intensity of flare/CME events.

3.3. Peak Flare Flux and CME Speed
versus Multiparameter Combinations

In x 3.2 we have found that log10� and �12 are the two pa-
rameters that show the best correlations with the intensity of the
18 flare/CME events. One of the alternative interpretations is that

� is a combination of B and S, while �12 is a combination of �1
and �2. In the other words, only four (i.e., log10B, log10S, �1, and
�2) of our six parameters are single parameter measured from
observations. This result indicates that a combination of two pa-
rameters shows much better correlation with the intensity of the
flare/CME events than the individual parameter. Therefore, we
consider three multiparameter combinations in this section. In
order to study the correlations between each of these three

Fig. 5.—Scatter plots of log10(PFF) (top panels) and VCME (bottom panels) vs. three magnetic parameters for the 18 events with measured shear angles out of our
31-event sample. The parameters, from the left to the right panels, are the logarithms of the average magnetic field strength ( log10B), the area ( log10S ), and the magnetic
flux (log10�) of the region where B is counted, respectively. The solid lines in each figure refer to the linear fits to the data points.

Fig. 4.—Scatter plots of six pairs of magnetic parameters measured from the 18 events with measured shear angles. (a) log10B vs. log10�, (b) log10 S vs. log10�,
(c) log10B vs. log10S, (d ) �1 vs. �2, (e) �12 vs. �2, and ( f ) �1 vs. �12/�1. The solid lines in the figure refer to the linear fits to the data points.
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combinations and the intensity of the flare/CME events, we have
done multiple linear regression fits to the observed log10(PFF)
and VCME for each combination, using the ‘‘regress’’ function in
IDL. Appendix B shows the expression for the fitting function
(YBt), which is a linear combination of all the parameters in each
combination.

At first, we create a combination of four parameters (combi-
nation 1), i.e., log10B, log10S, �1, and �12. The first three param-
eters in this combination are three single parameters measured
from the observations. We choose �12 instead of the other single
parameter �2 in this combination, because �2 appears not to be an
independent parameter as shown in x 3.2. The detailed infor-
mation of the fitting functions for combination 1 is listed in the
left three columns of Table 1. The first column lists all the pa-
rameters in combination 1, and the constant and coefficients (as
well as 1 � uncertainty) of each parameter in the fitting functions
corresponding to log10(PFF) and VCME are shown in the second
and the third columns, respectively.

From the left three columns of Table 1 we can see that the co-
efficients of log10B and log10S are equal within the errors of the
linear regression fit, and we also note that these two parameters
may not be independent from each other (see Fig. 4c). Therefore,
we replace log10B and log10S in combination 1 with a combi-

nation of them (log10�) to create combination 2 (i.e., log10�, �1,
and �12). The detailed information of the fitting functions for
combination 2 is listed in the middle three columns of Table 1,
from which we see that the coefficient of log10� has smaller 1 �
uncertainty than the coefficients of both log10B and log10S. The
left panels in Figure 7, from the top to the bottom, show the
scatter plots of Yobs [the observed log10(PFF) and VCME] versus
YBt [the fitted log10(PFF) and VCME] for combination 1; the plot
for log10(PFF) is shown in the upper left panel, and the plot
for VCME is shown in the lower left panel. Similar to the left
panels, the middle panels in Figure 7 show the scatter plots for
combinations 2. A comparison of the left and middle panels of
Figure 7 shows that combination 2 has better correlation between
the observed and fitted log10(PFF) (LCC ¼ 0:87) than com-
bination 1 (LCC ¼ 0:83). Although combination 2 has slightly
worse correlation for VCME (LCC ¼ 0:79) than combination 1
(LCC ¼ 0:78), overall, combination 2 appears to be better than
combination 1.
The left and middle three columns of Table 1 shows that the

coefficient of �1 are very small, and the 1 � uncertainty in this
coefficient is greater than its value. This indicates that this pa-
rameter does not play an important role in the fitting functions
corresponding to both combinations 1 and 2. Therefore, we

Fig. 6.—Similar to Fig. 5, but scatter plots of log10(PFF) (top panels) and VCME (bottom panels) vs. the other three parameters for the 18 events with measured shear
angle. These parameters are the initial shear angle (�1, left panels), the final shear angle (�2, middle panels), and the change of shear angle (�12, right panels) of the
footpoints, respectively.

TABLE 1

Constants, Coefficients, as well as their 1 � Uncertainties of the Multiple Linear Regression Fits for Three Types of Multiparameter Combinations

Coefficients Coefficients Coefficients

Parameter log10(PFF) VCME Parameter log10(PFF) VCME Parameter log10(PFF) VCME

log10B ......... 0.93 � 0.49 (0.97 � 0.60)E3 . . . . . . . . . . . . . . . . . .

. . . . . . . . . log10� ........ 1.10 � 0.24 (1.04 � 0.34)E3 log10� ........ 1.10 � 0.23 (1.01 � 0.34)E3

log10S ......... 1.00 � 0.30 (1.08 � 0.37)E3 . . . . . . . . . . . . . . . . . .

�1 ................ (0.03 � 0.87)E�2 (�0.09 � 0.11)E2 �1 ................ (�0.13 � 0.74)E�2 (�0.10 � 0.10)E2 . . . . . . . . .
�12............... (2.86 � 0.90)E�2 (0.29 � 0.11)E2 �12............... (2.63 � 0.69)E�2 (0.27 � 0.10)E2 �12............... (2.62 � 0.67)E�2 (0.27 � 0.10)E2

Constant ..... �2.73E1 �2.30E4 Constant ..... �2.93E1 �2.23E4 Constant ..... �2.93E1 �2.21E4
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create combination 3 (i.e., log10�, �12) by removing the param-
eter �1 from combination 2. The detailed information of the
fitting functions for combination 3 is listed in the right three
columns of Table 1. The right panels of Figure 7 show the scatter
plots for combination 3, and the LCCs in these plots are only
slightly worse than those in the corresponding middle panels.
This further confirms that �1 plays only a minor role in combina-
tion 2. This result is also consistent with the fact that the coeffi-
cients and 1 � uncertainties for log10� and �12 in combinations 2
and 3 are very similar to each other (see Table 1).

The top panels of Figure 7 show strong and linear correlation
between the observed and fitted values of log10(PFF) for each
parameter combination, with LCCs equal or larger than 0.83.
This implies that the observed magnetic parameters that we mea-
sured play an important role in determining the peak flare flux.
The bottom three panels also show strong linear correlations be-
tween VCME and the parameter combinations, but worse (0:77 �
LCC � 0:79), and the distributions of the plots are more scat-
tered than the corresponding top panels. Consistent with the
earlier result found in Figure 2, this result may be caused by the

larger measurement uncertainties in the CME speed as compared
to the peak flare flux.

In this subsection, we have mainly addressed the question of
howwell the fitting function reproduces the observed intensity of
flare/CME events. Nowwe study the contributions of the various
magnetic parameters to the total variances of both log10(PFF) and
VCME. Table 2 shows the fraction (�2

i ) of each parameter’s con-
tribution to the total variances (�2

tot ) of log10(PFF) and VCME for
the three combinations. The calculation methods of �2

i and �2
tot

are presented in Appendix B. For combination 1, the largest
fractional contribution to the total variances comes from log10S,
and the second largest contribution comes from �12. The con-
tribution from log10B is slightly less than �12, while �1 shows
significantly less contribution than the other three parameters.
For both combinations 2 and 3, log10� is the top-ranked pa-
rameter, which shows the strongest contribution to the total
variance of the intensity of flare/CME events, while �12 is the
second-ranked parameter. Similar to combination 1, �1 in com-
bination 2 again has a very small contribution to the total var-
iances of log10(PFF) and VCME. The fraction (�2

o /�
2
tot) of the

TABLE 2

The Contributions from each Parameter in Three Types of Multiparameter Combinations (�2
i ) and Other Unknown Sources (�2

o )
to the Total Variances of the Observed log10(PFF ) (�

2
tot ¼ 0:29, PFF is in units of W m�2) and VCME (�2

tot ¼ 3:45 ; 105 km2 s�2)

(�2
i/o/�

2
tot)100% (�2

i/o/�
2
tot)100% (�2

i/o/�
2
tot)100%

Parameter log10(PFF) VCME Parameter log10(PFF) VCME Parameter log10(PFF) VCME

log10B ................... 12.5% 11.2% . . . . . . . . . . . . . . . . . .
. . . . . . . . . log10� ............... 36.7% 27.6% log10� ............ 36.4% 25.7%

log10S ................... 29.3% 28.3% . . . . . . . . . . . . . . . . . .

�1 .......................... 0.0% 2.1% �1 ....................... 0.1% 2.7% . . . . . . . . .

�12......................... 30.7% 26.8% �12...................... 26.0% 23.4% �12................... 25.8% 21.9%

Others ................... 30.3% 38.1% Others ................ 23.5% 38.6% Others ............. 23.6% 41.3%

Fig. 7.—Scatter plots of the observed log 10(PFF) (top panels) and VCME (bottom panels) vs. the fitted log 10(PFF) and VCME (YBt) corresponding to three types of
multiparameter combinations for the 18 events with measured shear angles. Left: Combination 1 (log10B, log10S, �1, �12); middle: combination 2 (log10�, �1, and �12);
right: combination 3 (log10� and �12). The solid lines in each figure refer to the linear fits to the data points.
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total variances due to unknown sources and /or measurement
errors is also calculated and listed in Table 2 (see Appendix B
for a detailed description of the method). The sum of all the
fractions in each column is not 100% because of some approx-
imations that have been made in calculating these fractions
(Appendix B). For a large enough data sample, and when there
is no correlation at all between magnetic parameters, this sum
should be 100%. We find that the observed magnetic parameters
account for a large fraction of the observed total variance; less
than one-third of the variance of log10(PFF) is due to unknown
sources or measurement errors. The total variances of log10(PFF)
and VCME are 0.29 (PFF is in units of W m�2) and 3:45 ;
105 km2 s�2, respectively.

4. SUMMARY AND DISCUSSION

For a sample of 31 two-ribbon flares associated with CMEs,
we have measured the magnetic field strength (from SOHO
MDI magnetograms) of the magnetic polarities involved in the
flares using two methods: the average photospheric magnetic
field strength (B) within a contour of 20% of the maximum field
strength, and the magnetic field strength at a single point located
at 1000 height above the photosphere (Bcor). We have found that
both measures show that for events with larger magnetic field
strength, the corresponding peak flare flux tends to be larger
and the corresponding CME speed tends to be faster. This result
is consistent with previous theoretical studies by Lin (2002,
2004) and Reeves & Forbes (2005), who found that the cases
with higher background fields correspond to fast CMEs and strong
flares, whereas lower fields correspond to slow CMEs and weak
flares. This result is found through some calculations under the
framework of a catastrophic loss of equilibrium model. Similar re-
sults have also been found by Chen et al. (2006) for a sample of
CMEs associated solely with filament eruptions.

We have selected 18 events with measured shear angles out
of the 31-event sample for further detailed study. For these 18
events, we havemeasured six parameters using both SOHOMDI
magnetograms and corresponding TRACE observations of the
flare footpoints. Three of these six parameters are measures
of the magnetic size, and they are the average photospheric
magnetic field strength (B), the area of the region where B is
counted (S ), and the magnetic flux of this region (�). The other
three parameters represent the magnetic shear as determined
from flare observations. These are the initial shear angle (�1, mea-
sured at the flare onset), the final shear angle (�2, measured at
the time when the shear change stops), and the change of shear
angle (�12 ¼ �1� �2) of the footpoints. With our six measures,
we address the question what determines the intensity of the flare/
CME events by examining three sets of correlations: (1) the cor-
relations of the parameters with each other; (2) the correlations
of the logarithm of the peak flare flux [log10(PFF)] as well as
CME speed (VCME) versus each of the six parameters; (3) the
correlations of the observed log10(PFF) and VCME versus three
types of multiparameter combinations, which are log10B, log10S,
�1, and �12 (combination 1); log10�, �1, and �12 (combination 2);
and log10� and �12 (combination 3).

The logarithms of all three parameters representing mag-
netic size show positive correlations with both log10(PFF) and
VCME. More specifically, log10� shows much better correlations
(LCCs ¼ 0:72, 0.62) with both log10(PFF) and VCME than the
other two parameters (LCCs � 0:43), i.e., log10B and log10S,
probably because the magnetic flux � is the product of the other
two parameters. This result differs from the result reported by
Chen et al. (2006), who found that the average field strength is

better correlated with CME speed than the magnetic flux in the
filament channel for the CMEs associatedwith filament eruptions.
We have, for the first time, found that there are no correla-

tions between �1 and log10(PFF) as well as VCME, while �12
shows a strong positive correlation with the intensity of flare/
CME events. The initial shear angle (�1) of the footpoints mea-
sured at the flare onset may represent the preflare magnetic free
energy to some extent, according to our cartoon in Figure 11 in
Su et al. (2006), while the change of shear angle (i.e., �12 ¼
�1� �2) may serve as a proxy of the released magnetic free
energy during the flare, but one should keep in mind that the
shear angle is not the only parameter that determines the mag-
netic free energy. Therefore, our result indicate that the inten-
sity of flare/CME events may depend on the releasedmagnetic
free energy rather than the total magnetic free energy stored
prior to the flare. This may make it very difficult to predict the
magnitude of the flare/CME events. Emslie et al. (2004) sug-
gested that not all of the ‘‘free’’ energy may be available on
short timescales to power flares and CMEs, owing to the con-
straints imposed by helicity conservation. An alternative in-
terpretation of the lack of correlation with �1 is that this result
is due to the large uncertainties in our measurements of the
shear angles, which are fully discussed in x 2.1. More specif-
ically, the uncertainty in the definition of magnetic inversion
line may cause large uncertainties in measuring both �1 and �2,
while the change of shear angle is unaffected by such uncer-
tainty. The fact that for the same initial shear angle (�1), the
change of shear angle (�12) can vary greatly in different events
(Fig. 4f ) may indicate that the released free magnetic energy
could be different in the active regions with the same stored
total free energy prior to the eruptions.
For each of the three types of multiparameter combina-

tions we have done multiple linear regression fits to the observed
log10(PFF) and VCME. For each combination the correspond-
ing fitting functions are a linear combination of all the parame-
ters in this combination. We have also calculated the fraction of
each parameter’s contribution to the total variances of log10(PFF)
and VCME. For all of the three combinations, we see strong linear
correlations between the observed and fitted values of log10(PFF)
and VCME. This implies that the observed magnetic parameters
play an important role in determining the intensity of the flare/
CME events. Furthermore, all three combinations show better
correlation with the intensity of flare/CME events than any in-
dividual magnetic parameter. Among these three combinations,
combination 2 (log10�, �1, and �12) shows the strongest linear
correlation between the observed and fitted values of both
log10(PFF) and VCME. This result indicates that it is very useful
to combine B and S into a single magnetic parameter, the flux �.
Combination 3 (log10� and �12) shows only slightly worse corre-
lation with the intensity of flare/CME events than combination 2.
Moreover, in combination 2, the fractions of the contribution to
the total variances of log10(PFF) and VCME from both log10�
(36.7% and 27.6%) and �12 (26.0% and 23.4%) are significantly
greater than �1 (0.1% and 2.7%). These results imply that the ini-
tial shear angle �1 only plays aminor role in determining the peak
flare flux and CME speed, which is consistent with the result
reported in the last paragraph. These results also suggest that the
magnetic flux of the region, where the magnetic field is counted
(�), and the change of shear angle of the footpoints during the
flare (�12) are two separate but comparably important parameters
in determining the intensity of flare/CME events. In other words,
large released free energy (a combination of � and �12) tends to
produce large flares and fast CMEs.
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Although the fitting functions corresponding to the three mul-
tiparameter combinations show very strong and linear correla-
tions with the intensity of flare/CME events, we still can see
some scatter in these plots (Fig. 7). Some of this scatter may
result from different reconnection rates, different durations of re-
connection and CME acceleration, different configurations of
the ambient magnetic field, and measurement uncertainties. First
of all, as shown in Figure 3b different reconnection rates may
cause the scatter of CME speed, if the background field strength
is fixed. Accordingly, different reconnection rates may also cause
the scatter of the peak flare flux, if the other parameters are fixed.
This is because the fraction of the released energy that is con-
verted into flare or CME energy depends on the reconnection rate
as reported by Reeves & Forbes (2005), who also found that
greater than 50% of the released energy becomes flare energy
whenMA < 0:006. Secondly, although many events with larger
CMEspeed and greater peak flare flux tend to originate from strong
magnetic field regions, the weak magnetic fields could also pro-
duce large CME speed if the durations of reconnection and accel-
eration are very long as illustrated in Qiu & Yurchyshyn (2005).
Thirdly, Liu (2007) found that CMEs under heliospheric current
sheet are significantly slower than CMEs under unidirectional
open field structures. This implies that the ambient magnetic field
structure plays a role in determining the speed of halo CMEs.
Therefore, different ambient magnetic structure may make some
contributions to the scatter of the plots in the bottompanels of Fig-
ure 7. Finally, many uncertainties existed in our measurements of
the six parameters and the measurements of CME speed. This may
also add some contributions to the scatter of the plots in Figure 7.

In summary, the magnetic flux (�) and the change of shear
angle (�12) of the footpoints during the flare show the most sig-

nificant correlations with the intensity of flare/CME events
[log10(PFF), VCME]. The fact that both log10(PFF) and VCME are
highly correlated with the change of shear angle (�12) rather than
with the initial shear angle (�1) indicates that the intensity of
flare/CME events may depend on the releasedmagnetic free en-
ergy rather than the total free energy stored prior to the flare. We
also found that a linear combination of a subset of our six pa-
rameters shows a much better correlation with the intensity of
flare/CME events than each parameter itself, and the combina-
tion of log10�, �1, and �12 is the top-ranked combination. More-
over, in this combination, the fractions of the contribution to the
total variances of log10(PFF) and VCME from both log10� and
�12 are significantly greater than �1.
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APPENDIX A

ESTIMATE OF THE CORONAL MAGNETIC FIELD STRENGTH

To estimate the coronal magnetic field strength in the flaring active region, we use a simple potential-field model. Let P be a point
at height h above the magnetic inversion line and let P0 be the projection of P on the photosphere. We use a Cartesian coordinate sys-
tem (x, y, z) with the origin at P0; x and y are the horizontal coordinates along and perpendicular to the magnetic inversion line, re-
spectively, and z is the height above the photosphere. The point P is located at r ¼ (0; 0; h), and the potential field Bcor(r) at this point can
be estimated using the formula

Bcor(r) ¼
Z Z

B0(x0; y0)(r � r0)

2�jr � r0j3
dx0 dy0; ðA1Þ

where B0(x0; y0) is the photospheric radial field strength at point r ¼ (x0; y0; 0) in the selected subarea of the magnetogram. Equation
(A1) can be written as

Bcor; x ¼ �
X
ij

B0;ijx0;i

2�(x20;i þ y20; j þ h2)3=2
;

Bcor; y ¼ �
X
ij

B0;ijy0; j

2�(x20;i þ y20; j þ h2)3=2
;

Bcor; z ¼
X
ij

B0;ijh

2�(x20;i þ y20; j þ h2)3=2
; ðA2Þ

and the field strength of the potential field is

Bcor ¼ jBcor(r)j ¼
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
B2
cor; x þ B2

cor; y þ B2
cor; z

q
: ðA3Þ
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The height of h of point P is assumed to be 7250 km (1000). In this method, all points in the selected subarea of the magnetogram
contribute to the coronal field strength at point P.

APPENDIX B

MULTIPLE LINEAR REGRESSION FIT

To study the relationship between the observed log10(PFF) as well as VCME and the observed magnetic parameters (i.e., log10B,
log10S, log10�, �1, and �12) for our 18-event sample, we perform a multiple linear regression fit to the observed data by fitting a general
linear equation. The fitting equation is expressed as

YBt; j ¼ a0 þ
Xm
i¼1

ai Xi j; ðB1Þ

where Xij is the measurement of the magnetic parameter i (e.g., log10Bi or �12; j, where j ¼ 1, 2, . . .n); and YBt; j refers to the fitted values of
log10(PFF) and VCME. In this equation, a0 is a constant, ai is the coefficient of each magnetic parameter, m is the number of parameters
used in the fit, and n is the flare events number. Let Yobs; j be the observed values of log10(PFF) and VCME. The mean value of YBt; j is
assumed to be equal to the mean value of Yobs; j, so equation (B1) yields

YBt; j � Yobs ¼
Xm
i¼1

ai Xij � Xi

� �
; ðB2Þ

where Xi is the mean value of parameter Xi j.
The variance of Yobs; j due to a known magnetic parameter Xij is defined as

�2
i ¼ 1

n

Xn
j¼1

h
ai(Xi j � Xi)

i2
; ðB3Þ

and the variance due to other unknown parameters and/or measurement errors is defined as

�2
o ¼ 1

n

Xn
j¼1

(Yobs; j � YBt; j)
2: ðB4Þ

The total variance of Yobs; j is

�2
tot ¼

1

n

Xn
j¼1

Yobs; j � Yobs
� �2 ¼ 1

n

Xn
j¼1

h
(Yobs; j � YBt; j)þ (YBt; j � Yobs)

i2

¼ 1

n

Xn
j¼1

Yobs; j � YBt; j
� �2 þ 2(Yobs; j � YBt; j)(YBt; j � Yobs)þ (YBt; j � Yobs)

2
h i

: ðB5Þ

The last term on the right-hand side of equation (B5) can be written as

1

n

Xn
j¼1

(YBt; j � Yobs)
2 ¼ 1

n

Xn
j¼1

Xm
i¼1

ai(Xij � Xi)

" #2

¼ 1

n

Xn
j¼1

Xm
i¼1

h
ai(Xij � Xi)

i2
þ 2

X
k 6¼i

aiak(Xij � Xi)(Xk j � Xj)

( )
ðB6Þ

The second terms on the right-hand side of equations (B5) and (B6) will be very small and can be neglected if there are no correlations
between different magnetic parameters, and the sample is big enough. After inserting equations (B3) and (B4) to equation (B5), the total
variance of Yobs; j can be approximated as

�2
tot � �2

o þ
Xm
i¼1

�2
i : ðB7Þ
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Abstract

We present multi-wavelength observations of the evolution of the sheared magnetic fields in NOAA Active
Region 10930, where two X-class flares occurred on 2006 December 13 and December 14, respectively.
Observations made with the X-ray Telescope (XRT) and the Solar Optical Telescope (SOT) aboard Hinode suggest
that the gradual formation of the sheared magnetic fields in this active region is caused by the rotation and
west-to-east motion of an emerging sunspot. In the pre-flare phase of the two flares, XRT shows several highly
sheared X-ray loops in the core field region, corresponding to a filament seen in the TRACE EUV observations.
XRT observations also show that part of the sheared core field erupted, and another part of the sheared core field
stayed behind during the flares, which may explain why a large part of the filament is still seen by TRACE after the
flare. About 2–3 hours after the peak of each flare, the core field becomes visible in XRT again, and shows a highly
sheared inner and less-sheared outer structure. We also find that the post-flare core field is clearly less sheared than
the pre-flare core field, which is consistent with the idea that the energy released during the flares is stored in the
highly sheared fields prior to the flare.

Key words: Sun: corona — Sun: filaments — Sun: flares — Sun: magnetic fields — Sun: X-rays, gamma rays

1. Introduction

Solar flares, prominence eruptions, and coronal mass
ejections (CMEs) are magnetic phenomena thought to be
powered by the magnetic free energy (i.e., the difference
between the total magnetic energy and the potential field
magnetic energy) stored in the corona prior to eruption. The
storage of free energy requires a nonpotential magnetic field,
and is therefore associated with a shear or twist in the coronal
field away from the potential, current-free state (Priest &
Forbes 2002). One indication of such a stressed magnetic
field is the presence of a prominence. Another important
indicator of a stressed magnetic field is the presence of sigmoid
signatures, discovered by Rust and Kumar (1997) and Canfield
et al. (1999) with Yohkoh/SXT. Indeed, they have found that
sigmoidal active regions to be the most likely to erupt.

A strong-to-weak shear motion of the hard X-ray footpoints
during the flare was firstly reported by Masuda et al. (2001).
This motion was claimed to be a common feature in two-ribbon
flares by Su et al. (2007a), who identified this motion in 86%
of 50 two-ribbon flares observed by TRACE. A further detailed
study by Su et al. (2007b) shows that the change of the shear

� Movies for figure 3 are available in the electronic version
hhttp://pasj.asj.or.jp/v59/sp3/59s332/i.

angle of the footpoints during the flare is positively correlated
with the intensity of solar flare/CME events for an 18-event
sample. Studies of both shear motion and contracting motion
of the footpoints in several individual flares were carried
out by Ji et al. (2006, 2007). A detailed interpretation of
this shear motion was given by Su et al. (2006), based on
a three-dimensional model for eruptive flares (Moore et al.
2001, and references therein). According to this model, the
pre-flare configuration contains a highly sheared core field
inside, and a less sheared envelope field outside in the pre-flare
magnetic configuration. Does this configuration really exist?
If so, how do the sheared fields build up? How do the sheared
fields evolve during the flares? Continuous observations of
NOAA Active Region (AR) 10930 by Hinode (Kosugi et al.
2007) provide an opportunity for us to address these questions.
AR 10930 is a complex active region, which produced four
X-class flares in 2006 December; two of them were observed
by both the X-ray Telescope (XRT) and the Solar Optical
Telescope (SOT) aboard Hinode. In this paper, we consider the
evolution of the highly sheared coronal fields prior to, during,
and after the flares, in order to obtain some insights into the
physics of coronal storage and release of magnetic energy.
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2. Instrumentation and Data

The Hinode satellite (previously called Solar-B) is equipped
with three advanced solar telescopes, i.e., XRT, SOT, and
the EUV Imaging Spectrometer (EIS). It was launched
on 2006 September 22 (UT). XRT is a high-resolution
grazing-incidence telescope, which provides unprecedented
high-resolution, high cadence observations of the X-ray corona
through a wide range of filters. XRT can “see” emission for
a range of temperatures, 6.1 < logT < 7.5, with a temperature
resolution of ∆.logT / = 0.2. Temperature discrimination is
achieved with a set of diagnostic filters (nine X-ray filters in
total) in the focal plane. XRT also contains visible light optics.
The focal-plane detector of XRT is a 2 k � 2 k back-illuminated
CCD with 1:000 per pixel, giving a 200000 field of view (FOV),
which can see the entire solar disk. Details of the XRT
instrumentation and the performance can be found in DeLuca
et al. (2005) and Golub et al. (2007).

The G band and Ca II H data used in this study are from the
Broadband Filter Imager (BFI) of SOT (Tsuneta et al. 2007).
BFI produces photometric images with broad spectral
resolution in 6 bands (CN band, Ca II H line, G band, and
3 continuum bands) at the highest spatial resolution available
from SOT (0:000541/pixel) and at rapid cadence (< 10 s typical)
over a 21800 � 10900 FOV. The scientific capabilities of SOT
are described in detail by Shimizu (2004). The EUV (195 Å)
images used in this study were taken by TRACE, which is
a high-resolution imaging telescope (Handy et al. 1999). The
photospheric magnetograms were taken by SOHO/MDI. The
X-ray time profiles of the two X-class flares were obtained by
GOES.

Two X-class flares occurred in AR 10930 on 2006
December 13 and 14, and were observed simultaneously by
XRT and SOT onboard Hinode. These two flares are the first
X-class flares observed by XRT of the Hinode mission since its
launch. XRT started to observe this active region at 08:52 UT
on 2006 December 9, and tracked this region continuously for
the remainder of its disk passage. The XRT observations of this
region were obtained with the Be-thin filter from December 9
to December 14, and the temperature-response curve of this
filter can be found in Golub et al. (2007). Most of the XRT
images were taken with a 51200 � 51200 FOV and a cadence
of 60 s or less. Some full FOV X-ray images were also
taken occasionally as context or synoptic images. Similar to
XRT, SOT was also observing this active region at the same
time. The SOT G band and Ca II H images were taken with
a 21800 � 10900 FOV and a cadence of 120 s. TRACE was
observing this region at 1600 Å and white light (WL) most of
the time, and some EUV (195 Å) images were also taken from
time to time.

All of the XRT data used in this study were calibrated using
the standard Solar Soft IDL routines. We then normalized
the calibrated XRT data to its maximum value (Dmax). The
logarithm of the normalized XRT data is plotted in figures 1–5
(except figure 2) and movies 1 and 2, which refer to the
XRT movies of the two flares. The maximum and minimum
values of the data are 0 and �1.8 for most of the XRT images
and the two movies, except for figures 3b–3d, which have
a minimum value of �1.2. All of the XRT images in this

paper are presented in a reversed color scale, but the TRACE
and SOT images are in a normal color scale. To increase
the signal-to-noise ratio of some of the XRT images, we first
summed a series of XRT data within 10 minutes, then divided
by the number of images. This method was adopted for
figures 3b, 4c, and 5c; the time presented in the corresponding
figures refers to the time of the first XRT image. This technique
was used only for images that are very similar to each other.

The TRACE, XRT, and SOT images are co-aligned with
the MDI images by applying the following procedure. For
the December 13 flare, we first determined the offset of the
TRACE coordinates by aligning the TRACE WL images with
the corresponding WL images taken by MDI using the location
of the sunspots. We then applied this offset to the TRACE
EUV images used in this study. We applied the same method
to determine the offset between the SOT and MDI images.
The offset between the XRT and SOT images with corrected
coordinates were determined by aligning the brightenings
(i.e., flare footpoints) in the SOT Ca II H line images and
the corresponding XRT images. We then applied the same
procedure to align the images for the December 14 flare. We
applied the same offset of the XRT images obtained from the
December 13 flare to the XRT images on December 10 and
12; the misalignment of the XRT, SOT, and MDI images on
December 10 and 12 is estimated to be less than 300.

3. Results

3.1. Formation of the Sheared Magnetic Fields

The formation process of the sheared magnetic fields
observed by XRT aboard Hinode and SOHO/MDI is shown
in figure 1. Corresponding to the X-ray images in figures 1a
and 1f, the Hinode/SOT G band images overlaid without and
with MDI photospheric magnetic field contours are displayed
in the top and bottom panels of figure 2. Figure 1a shows that
most of the X-ray loops overlying the magnetic inversion line
(MIL, marked as a thick white line) are nearly perpendicular
to the MIL, which indicates that the core field was close to
a potential state at 00:19 UT on 2006 December 10. The cor-
responding G band images in figures 2a and 2c show that
AR 10930 is composed of a bipole, which contains one big
sunspot with negative magnetic fields (black contours) and
a small spot with positive magnetic fields (white contours).
The two spots share a common penumbra. Following Moore
et al. (2001), we define the core field as the fields that
are rooted close to the MIL through the middle of the
bipole. This core field is visible in XRT observations
most of the time. Around 22:46 UT on December 10,
one bright loop with an obvious higher shear shows up
on the right-hand side of the core field, while there are
no obvious changes in the other loops (figure 1b). About
11 hours later, two highly sheared loops were visible in the
XRT obserations (figure 1c), while we still saw no shear
increase in the rest of the loops. Figure 1d shows an X-ray
image taken 12 hours later than that presented in figure 1c.
Most of the X-ray loops in the core field region in figure 1d
have a higher shear than those in figure 1c. The core field
in figure 1d shows an S-shaped structure (i.e., Sigmoid)
composed of two sets of disconnected loops; also, a clearer
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Fig. 1. Formation of the sheared magnetic fields observed by XRT aboard Hinode. (a)–(f) A series of X-ray images observed with Be-thin filter by
XRT from 2006 December 10 to December 12. The maximum intensity (Dmax) of the XRT image is shown in the lower-left corner of each panel. The
SOHO/MDI photospheric magnetic inversion line is represented as a thick white line.

Fig. 2. Hinode/SOT G band images overlaid with SOHO/MDI magnetic contours. (a) and (b): G band images closest in time to the X-ray images in
figures 1a and 1f, respectively. (c) and (d): Same G band images as in (a) and (b) overlaid with MDI magnetic contours. The white and black contours
represent the positive and negative line-of-sight photospheric magnetic fields observed by MDI, and the thick black line represent the magnetic inversion
line.
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Fig. 3. XRT observations of the sheared magnetic field evolution during two X-class flares. (a) and (e): GOES X-ray time profiles for the 2006
December 13 and December 14 flares. (b) shows an XRT image prior to the December 13 flare, and two XRT images during this flare are presented in
(c) and (d). The long-lasting brightening prior to the flare is enclosed by the black box in (b) and (c). The contours in (b)–(d) refer to the brightenings at
02:16 UT observed by SOT in Ca II H. (f)–(h) The XRT images at the early phase of the December 14 flare. The white contours overlaid on these images
represent the brightenings at 22:05 UT on December 14 observed by SOT in Ca II H. The white lines in (b) and (f) refer to the SOHO/MDI magnetic
inversion line. The maximum intensity (Dmax) of the XRT image is shown in the upper-left corner of each panel. A–E are the loops discussed in the text.

S-shaped structure can be seen in figure 1e. Most of the
magnetic loops in the core field region became nearly parallel
to the MIL by 12:43 UT on 2006 December 12 (figure 1f),
which indicates that the coronal core field had become highly
non-potential. The corresponding SOT image (figures 2b and
2d) shows that the penumbral fibrils between the two sunspots
was also nearly parallel to the MIL, which indicates that the
photospheric core field was also highly non-potential at this
time.

Figure 1 shows that it took about two and a half days for the
formation of the sheared coronal core field in AR 10930. The
SOT G band and MDI movies in this time period show that the
lower positive polarity spot was rotating in a counter-clockwise
direction, while there is no evidence of rotation in the upper
sunspot. A large amount of magnetic flux emerged to the west
of the positive polarity spot, and newly emerged following flux
accumulated in the spot as it rotated. A clear west-to-east
motion of the lower spot can also be seen in a comparison
of figures 2a and 2b. All of these observations appear to
indicate that the highly sheared core field in AR 10930 is
formed by this flux emergence and the accompanying rotation
and west-to-east motion of the lower positive polarity sunspot.

3.2. Evolution of Sheared Magnetic Fields during the Flares

The evolution of the sheared X-ray loops observed by
XRT during the December 13 and December 14 flares are
presented in the top and bottom panels of figure 3, respectively.
The GOES soft X-ray time profile of the December 13 flare
(figure 3a) shows that it is an X3.4 flare, which started at 02:14

UT, peaked at 02:40 UT, and ended around 09:00 UT. An
X-ray image prior to the flare is displayed in figure 3b, and
two X-ray images from the early phase of the flare are shown
in figures 3c and 3d. The black or white contours overlaid on
these three X-ray images refer to the first brightenings seen
in the SOT Ca II H line observations at 02:16 UT. At about
10 minutes prior to the flare, two compact brightenings in
the highly sheared core field region started to appear, and the
long-lasting one is shown to be enclosed by a black box in
figures 3b and 3c. After the flare onset, several brightenings
showed up in the footpoints of the highly sheared loops
(figure 3c), and the pre-flare compact brightening still exists,
which is located between the two flare footpoints. An X-ray
image taken four minutes later is shown in figure 3d, which
shows two highly sheared and nearly parallel loops. The fainter
loop (i.e., loop B) erupted, while the brighter loop (i.e., loop A)
was left behind (see movie 1�). Later on, the flare propagated
to the less sheared envelope field region, which is located
outside of the core field. We can see a strong-to-weak shear
motion of the footpoints in the SOT Ca II H line observations
during this flare, meaning that the footpoints started far apart,
but close to the MIL, then moved toward each other and away
from the MIL.

Figure 3e shows that the December 14 flare is an X1.5 flare,
which started at 21:07 UT, peaked at 22:15 UT, and ended
around 04:00 UT on December 15. Figures 3f–3h show three
X-ray images at the early phase of the flare. The white contours
overlaid on these three X-ray images refer to the brightenings
seen in the SOT Ca II H line observations at 22:05 UT, after
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Fig. 4. Pre-flare and post-flare XRT and TRACE images of the X3.4 flare on 2006 December 13. (a), (b), and (d): Three X-ray images observed by XRT
prior to the flare. (c) XRT image after the flare. (e) and (f): Two EUV images observed by TRACE prior to and after the flare for comparison with (b)
and (c). The maximum intensity (Dmax) of the XRT image is shown in the upper-left corner of each panel.

which the flare ribbons started to extend along the MIL and
moved away from the MIL rapidly. In the early phase, we
identified three X-ray loops, i.e., loop C, loop D, and loop E, as
shown in figure 3f. Loop D started to erupt around 21:26 UT
(see movie 2�), after which we could see some brightenings
(SOT Ca II H line) and post-flare loops (XRT) in the lower-left
corner of figure 3f; some brightenings also appeared at the
same position as the white contours close to loop C, which
can be seen in figure 3g. From figure 3g we also see that
loop E shows a continuous S-shaped structure, which is partly
covered by white contours. A better view of this loop can be
seen in movie 2. This S-shaped loop E started to erupt around
22:01 UT (see movie 2), which can be seen by a comparison of
figures 3g and 3h. However, loop C showed no obvious motion
during the entire flare process seen in the XRT observations.
We also see a strong-to-weak shear motion of the footpoints in
the SOT Ca II H line observations in this flare.

Both the December 13 and December 14 flares started from
the highly sheared core field. In both of these flares, we can
see that some of the highly sheared loops erupted, and other
highly sheared loops were left behind. However, the initiation
of the two flares appears to be different. In the December 13
flare, a compact brightening appeared first; we then see some
brightenings (i.e., flare footpoints) located on the two opposite
sides of the compact brightening. These observations indicate
that magnetic reconnections may occur in the highly sheared
core field, which leads to the eruption of the flare (or loop B).
The loop that is left behind (i.e., loop A) appears to be a newly
reconnected loop, because we see corresponding brightenings
in the two ends of this loop after the flare onset. However, there
is no evidence of magnetic reconnection before the eruption of

loop D in the December 14 flare. After the eruption of loop D,
we see some brightenings that appear to be the footpoints of
the newly reconnected loops, after which loop E erupted too.
The XRT movie of this flare shows that loop C that was left
behind appears not to be involved in the flare process, which
can also be seen in a comparison of figures 3f–3h.

3.3. Pre-Flare vs. Post-Flare Sheared Magnetic Fields

The continuous observations of AR 10930 by XRT with
high spatial and temporal resolution provides us an excellent
opportunity to compare the pre-flare and post-flare magnetic
configurations. Figures 4a–4d show XRT observations of the
core field before and after the X3.4 flare on 2006 December 13.
The corresponding filaments before and after the flare observed
by TRACE are displayed in figures 4e–4f. Prior to the
December 13 flare, XRT had detected two loop eruptions
(likely filament eruptions), which started around 16:28 and
21:58 UT on December 12, respectively. Figures 4a and 4d
show the core field before and after the first loop eruption,
respectively. Both of these figures show that most of the
X-ray loops in the core field region were highly sheared and
nearly parallel to each other, and the brightest loops had the
appearance of a continuous S-shaped structure. The magnetic
configuration after the second loop eruption and 14 minutes
prior to the December 13 flare is displayed in figure 4b,
which is composed of several highly sheared loops. After
the December 13 flare onset, the post-flare loops gradually
propagated from the highly sheared core field region to the
outer and less-sheared envelope field region; during this
time the less bright core field became invisible. Around
05:23 UT, the core field appeared again, and a clear picture
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Fig. 5. Pre-flare and post-flare XRT and TRACE images for the X1.5 flare on 2006 December 14. (a) and (b): Two X-ray images observed by XRT prior
to the flare. (c) XRT image after the flare. (d) and (e): Two EUV images observed by TRACE prior to the flare. (f) TRACE EUV image after the flare.
The maximum intensity (Dmax) of the XRT image is shown in the upper left corner of each panel.

of the post-flare core field is displayed in figure 4c, which
shows a higher sheared inner and less sheared outer structure
(figure 4c). By comparing figures 4b and 4c, we can see that the
post-flare core field was much less sheared than the pre-flare
core field. Corresponding to the sheared core field observed by
XRT, a filament is seen in TRACE prior to the December 13
flare (figure 4e). We still see most parts of the filament after
the flare, as can be seen in figure 4f.

XRT images prior to and after the X1.5 flare on 2006
December 14 are shown in figures 5a–5c. The corresponding
observations taken by TRACE are displayed in figures 5d–5f.
A filament eruption occurred around 16:40 UT on
December 14. One X-ray image prior to this eruption is
shown in figure 5a, from which we see several highly sheared
loops. A good TRACE image taken closest in time to figure 5a
is shown in figure 5d. A comparison of the figures shows
that the filament corresponds to a highly sheared X-ray
loop. Figure 5b shows an X-ray image after the filament
eruption and 30 minutes before the December 14 flare. We
see no significant changes in the magnetic configuration
before and after the filament eruption. Similar to the
December 13 flare, the post-flare magnetic configuration of
the December 14 flare shows a highly sheared inside and less
sheared outside structure (figure 5c), and the post-flare core
field is significantly less sheared than the pre-flare core field.
Figure 5e shows the last good EUV image taken by TRACE
prior to the December 14 flare, and a TRACE image after the
flare is displayed in figure 5f. A comparison of figures 5e
and 5f shows that a large part of the filament was still present
after the flare.

4. Discussions and Conclusions

NOAA Active Region 10930 is a complex region, where
four X-class flares occurred in 2006 December, and two
of them (i.e., flares on December 13 and December 14)
were observed by both XRT and SOT aboard Hinode. The
continuous observations of this region by XRT and SOT
provide an opportunity to study the long-term evolution of the
sheared core field. In this paper, we have addressed three
questions: How do non-potential magnetic fields build up?
How do they evolve during flares? What is the difference
between the pre-flare and post-flare magnetic configurations?

The XRT observations show that the coronal magnetic
fields were close to a potential state at 00:19 UT on 2006
December 10. About 22 hours later, a shear increase started
from one X-ray loop on the right-hand side of the core field
rooted close to the MIL between the two main magnetic
polarities. After that, more and more loops gradually became
highly sheared. Most of the loops in the core field region
became highly sheared and nearly parallel to the MIL around
12:43 UT on 2006 December 12. The formation of the sheared
magnetic fields was caused by the counter-clockwise rotation
and the west-to-east motion of the lower emerging sunspot,
which can be seen in the SOT G band and Ca II H line
observations as well as the SOHO/MDI observations.

Both of the X-class flares on December 13 and December 14
started from a highly sheared core field. At the early phase
of each flare, some highly sheared loops erupted, and some
highly sheared loops were left behind. The highly sheared
loop that was left behind in the December 13 flare seems to
be a newly reconnected post-flare loop. However, the one
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that was left behind in the December 14 flare appears not to
have been involved in any reconnection, as can be seen in the
XRT observations. Corresponding to the highly sheared core
field, a filament was seen in the EUV observations by TRACE
prior to the two flares. A large part of the filament was still
present after these two flares, which may have been caused by
the fact that only part of the sheared magnetic fields erupted
during the flares. The partial filament eruption is interpreted
as being a partial eruption of a magnetic flux rope by Gibson
and Fan (2006). The initiation of these two flares seems to be
different. The X3.4 flare on December 13 appears to have been
initiated by magnetic reconnection in the highly sheared core
field, which agrees with the cartoon of the three-dimensional
model for eruptive flares in Moore et al. (2001). However,
the X1.5 flare on December 14 started from a sheared loop
eruption, before which we can see no evidence of magnetic
reconnection.

Two loop eruptions (likely filament eruptions) were seen by
XRT prior to the December 13 flare. Most of the loops in the
core field were highly sheared and nearly parallel to each other
before and after the first loop eruption. The core field before
both the December 13 and December 14 flares was composed
of several highly sheared loops. About 2–3 hours after the peak
of each flare, the core field was visible again from the XRT
observations. The post-flare core field of each flare showed
a higher sheared inner and less sheared outer structure, but
containing significantly less shear compared to the pre-flare
core field. This flare-related relaxation of magnetic shear
was also found by Yohkoh/SXT (Sakurai et al. 1992). This
observation is in agreement with the idea that a flare is caused
by the release of magnetic energy stored in the highly sheared

magnetic fields, but apparently only a fraction of the available
energy is released.

A strong-to-weak shear motion of the footpoints was
observed in both of two flares on December 13 and 14. This
motion suggests that the pre-flare magnetic field configuration
is composed of a highly sheared core field and overlying
less sheared envelope field. We did not see these overlying
less-sheared envelope fields in the XRT observations prior to
the two flares, which is in agreement with the Yohkoh/SXT
observations (Sterling et al. 2000). Moreover, a long-term XRT
observation of AR 10930 shows that the core field is visible
most of the time, while the overlying loops can only be seen
temporarily after the flares or loop eruptions. The heating
mechanism for the core field is apparently different from that
of the post-flare loops. We are left with two open questions:
Why do we not see the overlying unsheared sheared loops in
the pre-flare phase? What is the heating mechanism of the core
field?
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ABSTRACT

We present multiwavelength observations of a simple bipolar active region (NOAA 10953), which produced
several small flares (mostly B class and one C8.5 class) and filament activations from April 30 to May 3 in
2007. We also explore nonlinear force-free field (NLFFF) modeling of this region prior to the C8.5 flare on
May 2, using magnetograph data from SOHO/MDI and Hinode/SOT. A series of NLFFF models are constructed
using the flux-rope insertion method. By comparing the modeled field lines with multiple X-ray loops observed
by Hinode/XRT, we find that the axial flux of the flux rope in the best-fit models is (7 ± 2) × 1020 Mx, while
the poloidal flux has a wider range of (0.1–10) × 1010 Mx cm−1. The axial flux in the best-fit model is well
below the upper limit (∼15 × 1020 Mx) for stable force-free configurations, which is consistent with the fact
that no successful full filament eruption occurred in this active region. From multiwavelength observations of
the C8.5 flare, we find that the X-ray brightenings (in both RHESSI and XRT) appeared about 20 minutes
earlier than the EUV brightenings seen in TRACE 171 Å images and filament activations seen in MLSO Hα
images. This is interpreted as an indication that the X-ray emission may be caused by direct coronal heating
due to reconnection, and the energy transported down to the chromosphere may be too low to produce EUV
brightenings. This flare started from nearly unsheared flare loop, unlike most two-ribbon flares that begin with
highly sheared footpoint brightenings. By comparing with our NLFFF model, we find that the early flare
loop is located above the flux rope that has a sharp boundary. We suggest that this flare started near the
outer edge of the flux rope, not at the inner side or at the bottom as in the standard two-ribbon flare model.

Key words: Sun: corona – Sun: filaments – Sun: flares – Sun: magnetic fields – Sun: photosphere – Sun: X-rays,
gamma rays

Online-only material: color figure, mpeg animation

1. INTRODUCTION

It is well accepted that solar flares, prominence eruptions, and
coronal mass ejections (CMEs) are different manifestations of a
single physical process thought to be powered by the release of
free energy stored in the corona prior to the activities. Storage
of free energy requires a non-potential magnetic field, and it is
therefore associated with a shear or twist in the coronal field
away from the potential, current-free state (Priest & Forbes
2002). Twisted or sheared magnetic fields are often visible in
the solar corona before solar eruptions (Rust & Kumar 1996;
Canfield et al. 1999; Moore et al. 2001; Su et al. 2006, 2007a;
2007b, Ji et al. 2008), but it is unclear how the eruption gets
started. To determine what triggers such eruptions and how the
energy is released, we need to understand the three-dimensional
(3D) structure of the coronal magnetic field configuration prior
to the flare. Therefore, modeling of the preflare nonpotential
fields is needed.

In this paper, we consider a C8.5 flare that occurred in Active
Region (AR) 10953 on 2007 May 2, and we develop a model
for the nonpotential fields before the flare. The evolution of the
sheared magnetic field in this region was studied by Okamoto
et al. (2008), using vector magnetograms from Hinode/SOT/SP.
They suggested that the observed vector fields show the evidence
for the emergence of a magnetic flux rope. The purpose of the
current paper is to develop a 3D magnetic model of this flux
rope, and to study where the flare occurs in relationship to the
flux rope.

A realistic way to model the nonpotential coronal fields in
active regions is to assume that the electric currents are paral-
lel to the magnetic field, ∇ × �B = α �B, with α being constant
only along every field line ( �B · ∇α = 0) but varying from
field line to field line, giving us the nonlinear force-free field
(NLFFF). Several authors have developed methods for recon-
structing the NLFFFs by extrapolating observed photospheric
vector fields into the corona (e.g., Mikić & McClymont 1994;
Wheatland et al. 2000; Yan & Sakurai 2000; Bleybel et al.
2002; Régnier et al. 2002; Wheatland 2006; Wiegelmann 2004;
Wiegelmann et al. 2006; Song et al. 2006). For reviews of these
various methods, see Schrijver et al. (2006, 2008), Wiegelmann
(2008), and Metcalf et al. (2008).

Measurements of photospheric vector magnetic fields and
their use as boundary conditions in extrapolation are subject to
a number of uncertainties (see McClymont et al. 1997). Most im-
portantly, the magnetic field in the photosphere is not force free,
and the highly sheared field in the filament channel is not always
visible in the photosphere where the vector field measurements
are made (Lites 2005). Therefore, in the present study we con-
struct NLFFF models using the flux rope insertion method (van
Ballegooijen 2004; van Ballegooijen & Mackay 2007), which
uses observational constraints from coronal images in combi-
nation with photospheric magnetograms. The method only re-
quires the radial component of the magnetic field in the pho-
tosphere, and therefore is less affected by errors in transverse
field measurement. Using an improved version of this method,
Bobra et al. (2008) constructed NLFFF models for two active
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(a) (b)

Figure 1. Light curves for the C8.5 two-ribbon flare occurred on 2007 May 2. The top two curves in the left panel refer to the GOES soft X-ray light curves at 1.0–8.0 Å
and 0.5–4.0 Å while the bottom three, from top to bottom, refer to RHESSI X-ray light curves at 3–6 keV, 6–12 keV, and 12–25 keV, respectively. The RHESSI light
curve at 3–6 keV is multiplied by 4 in order to give a nicer display. TRACE EUV and XRT X-ray light curves are marked by star sign and plus sign on the right panel,
respectively.

regions based on magnetograms from the Michelson Doppler
Images (MDI) aboard SOHO and nonpotential structures seen
in TRACE EUV images. They found that TRACE images are
not well suited to the task of finding sheared fields near polarity
inversion lines (PILs). Therefore, in the current paper multiple
nonpotential X-ray loops observed by Hinode/XRT are used to
constrain the models. We also use vector magnetograms from
Hinode/SOT/SP to derive the radial field in the photosphere.
This allows us to correct for the fact that the observed AR is
about 15◦ away from the disk center.

This paper is organized as follows. Section 2 describes the
observations, and Section 3 describes how the NLFFF models
are constructed and the modeling results. The discussion and
interpretation are given in Section 4. Conclusions are presented
in Section 5.

2. OBSERVATIONS

2.1. Data Sets and Instruments

NOAA Active Region (AR) 10953 is a simple bipolar active
region, which produced several filament activations and small
flares (< M class) in 2007 May. A long-term movie of the
SOHO/MDI magnetograms shows that the leading sunspot in
this active region is a decaying sunspot, which ejected numerous
magnetic elements toward the polarity inversion line, where flux
cancellations frequently occurred.

A C8.5 (GOES soft X-ray class) two-ribbon flare associ-
ated with a filament activation occurred in AR 10953 around
23:20 UT on 2007 May 02. This event was well observed in
multiple wavelengths, i.e., soft X-rays by the X-ray Telescope
(XRT; Golub et al. 2007) onboard Hinode (Kosugi et al. 2007),
EUV by the Transition Region and Coronal Explorer (TRACE;
Handy et al. 1999), and Hα by the Polarimeter for Inner Coronal
Studies (PICS) which has been operated by the High Altitude
Observatory at the Mauna Loa Solar Observatory (MLSO) since
1994. This flare was also observed by RHESSI (Lin et al. 2002)
except the two gaps caused by the night time of the space-
craft. The full disk Hα images (∼1.′′09 pixel−1) taken at the
Kanzelhöhe Solar Observatory (KSO) are also used. The XRT
images presented in this study are taken with the Ti-poly filter
and have field of view (FOV) of 512′′×512′′. The spatial reso-
lution is around 2′′ (1.′′032 pixel−1). The TRACE EUV images

are taken at 171 Åwith an FOV of 1024′′×1024′′, and the spatial
resolution is 1′′. The full disk Hα images taken by PICS with
3 minute cadence have a spatial resolution of 2.′′9. The X-ray
light curves of this event are provided by GOES and RHESSI.

The magnetic field information is obtained from the line-of-
sight photospheric magnetograms from SOHO/MDI and vec-
tor magnetogram from the Spectro-Polarimeter (SP) of the
Solar Optical Telescope (SOT; Tsuneta et al. 2008) onboard
Hinode. The Hinode SP data were calibrated with the standard
“SP_ PREP” software. The calibrated Stokes spectra were then
subjected to the Milne–Eddington inversion procedure devel-
oped for the HAO/Advanced Stokes Polarimeter (Skumanich
& Lites 1987; Lites & Skumanich 1990; Lites et al. 1993) to
derive the magnetic field vector, fill fractions, and thermody-
namic parameters over the map. No inversion was attempted for
regions of the map where the net line polarization did not ex-
ceed 0.4%. For those regions we assumed the field to be vertical
and equal to the apparent flux density derived from the inte-
grated Stokes V polarization signal. We then resolved the 180◦
azimuth ambiguity with the AZAM utility (Lites et al. 1995),
which minimizes the spatial discontinuities in the azimuth angle
when viewed in the local reference frame.

The TRACE and XRT images are co-aligned with the MDI
magnetograms by applying the following procedures. We first
determined the offset of the TRACE coordinates by aligning
the TRACE WL images with the corresponding WL images
taken by MDI using sunspots as references. The offset between
the XRT and TRACE images with corrected coordinates is
determined by aligning the brightenings (i.e., flare footpoints)
in the TRACE EUV images and the corresponding XRT images.
We aligned the Hα images from the PICS and KSO with the
MDI magnetograms by eye.

The XRT images prior to the C8.5 flare show a number of
highly sheared loops that indicate the presence of a coronal flux
rope or highly sheared arcade above the PIL of the AR. These
loops will be described in Section 3.2, where we use these loops
to construct nonpotential field models of the AR.

2.2. Pre-EUV Flare X-ray Brightenings

The GOES (top two) and RHESSI (bottom three) X-ray light
curves for the C8.5 two-ribbon flare are shown in Figure 1(a).
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Figure 2. Pre-EUV X-ray brightenings during the C8.5 flare. The background images in the top and middle panels show the XRT observations at the early phase of
the C8.5 flare. The XRT data are plotted in logarithm scale, and the maximum intensity (Dmax, DN s−1) of the XRT images is shown on the top of each panel. The
white line in panel (a) refers to the polarity inversion line obtained from MDI magnetogram, and the black dashed line is a simplified PIL corresponding to the Hα

filament. The white and gray contours overlaid on the middle panels refer to 3–6 keV and 6–12 keV RHESSI observations, respectively. The X-ray contours (XRT)
overlaid on the corresponding TRACE EUV images are shown in the bottom panels.

(A color version of this figure is available in the online journal.)

The two gaps in RHESSI light curves are during its night
times. GOES light curves show that the flare started around
23:12 UT and peaked at 23:48 UT on 2007 May 2, and ended
about 02:00 UT on 2007 May 3. Small spikes started to be seen
after 23:00 UT in the lower energy band (3–6 keV and 6–12 keV)
of RHESSI light curves. The higher energy band (12–25 keV)
was dominated by the background most of the time, and a real
increase in the light curve started around 23:30 UT. Figure 1(b)
shows the integrated light curve of the flare region (as shown
in Figure 2) in TRACE EUV and XRT X-rays. The first gap in
the TRACE light curve is a real observational data gap. We also
removed the images with strong particle hits, which lead to the
other three gaps in the TRACE light curve. The images during
the first gap in the XRT light curve were affected by strong
atmospheric absorption. The images during the other gaps of
the XRT light curve are saturated. From this figure we see that
the soft X-ray light curve began to rise around 23:10 UT (similar
to GOES), while the EUV flare started about 20 minutes later.

Figure 2 shows the XRT, RHESSI, and TRACE EUV images at
the early phase of the C8.5 flare. The XRT data used in this figure
are normalized to its maximum value (Dmax, in unit of DN s−1),

which is presented in the top of each panel. At 23:07 UT, XRT
started to see two short ribbon-like brightenings connected by
a loop that is nearly perpendicular to the underlying PIL (black
and white lines in Figure 2(a)). Corresponding X-ray sources
are seen in RHESSI observations in its lowest energy band (see
Figure 2(b)). There are no counterparts of the X-ray brightenings
in the EUV image as seen from Figure 2(c). A similar result
is obtained from the observations at 23:16 UT and 23:23 UT
(the middle two columns of Figure 2). A filament activation
began around 23:20 UT, after which a rapid increase is seen
in the GOES light curve, and tiny EUV footpoint brightenings
became visible (Figure 2i). However, the EUV brightenings
are much smaller than the corresponding X-ray brightenings at
this time. Several minutes later, most of the EUV counterparts
of the X-ray brightenings can be seen in the TRACE images
(Figures 2l).

2.3. Evolution of the Filament Activation

The evolution of the filament activation associated with the
C8.5 flare in Hα (MLSO/PICS) is shown in the top panels of
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Figure 3. Evolution of the filament activation associated with the C8.5 flare. The top panels show the MLSO/PICS Hα observations of this filament activation. The
white and black contours refer to the negative and positive magnetic fields observed by SOHO/MDI. The corresponding closest in time Hinode/XRT images are
shown in the bottom panels. The evolution of this filament activation (in Hα, TRACE EUV, and XRT) is also available as a video in the electronic edition of the
Astrophysical Journal.

Figure 3. The Hα image at the onset of the filament activation
is displayed in Figure 3(a), which shows that the northern
end of the filament is rooted in the leading sunspot with
negative polarity (white contours), but the southern end of
this filament is unclear. This southern end of the filament is
very unstable, and many activations were observed at multiple
wavelengths (i.e., Hα, EUV, and X-ray) from April 30 to May 3.
After 23:20 UT, a large amount of filament material moved
from the northern part of the filament to the southern part
(Figure 3(b)), then streamed into the nearby positive polarity
region (Figure 3(c)). This filament activation was also seen in
TRACE EUV observations (see online video), while no clear
evidence is seen in the X-ray images as shown in the bottom
panels of Figure 3. Figure 3(d) shows an Hα image at about three
hours after the onset of the filament activation. A comparison of
Figures 3(a) and 3(d) shows that the shapes of the filament before
and after the activation are very similar, but the Hα filament after
the activation appears to be darker than before.

3. NLFFF MODELING

3.1. Flux Rope Insertion Method

A flux rope insertion method has been developed by
van Ballegooijen (2004) and van Ballegooijen & Mackay
(2007) for constructing NLFFF models of solar active re-
gions and filaments. In this paper, we use an improved ver-
sion of this method; a detailed description can be found in
Bobra et al. (2008). The method involves inserting a magnetic
flux rope into a potential-field model of an active region; the
axial flux Φaxi and poloidal flux Fpol of the flux rope are treated
as free parameters. Magnetofrictional relaxation is applied by
solving the MHD induction equation, including the effects of
magnetic diffusion (see equation A2 in Bobra et al. 2008). The
computation is done on a 3D grid in spherical coordinates with
the lower boundary located at the photosphere. At the lower

boundary of the computation domain only the radial compo-
nent Br of the magnetic field needs to be specified; the tangential
components Bθ and Bφ are allowed to vary in the relaxation pro-
cess. The parameters Φaxi and Fpol are estimated by comparing
the modeled field lines with observed Hα filaments and coronal
loops.

The use of magnetic diffusion in NLFFF relaxation was
investigated by Roumeliotis (1996), who used resistive diffusion
in order to change the magnetic topology of the modeled field.
The resistivity was assumed to be proportional to the magnitude
of the Lorentz force, η ∼ |j × B|, where B is the magnetic
field and j is the electric current density. The advantage of
this approach is that diffusion occurs only in the unrelaxed
state far from force-free equilibrium, not in the relaxed state
when |j × B| is almost zero. However, in the present case,
we want to preserve the magnetic topology of the flux rope
as best as possible. Ordinary (resistive) diffusion does not
conserve magnetic helicity (Berger 1984), so significant changes
in topology can occur during the relaxation process. In the
present work, we use hyperdiffusion, which is a type of magnetic
diffusion that conserves magnetic helicity and is described
by a fourth-order diffusion operator (see van Ballegooijen
& Cranmer 2008, and references therein). The advantage of
hyperdiffusion in the present application is that it acts to suppress
small-scale numerical artifacts in the electric current distribution
without significantly affecting the large-scale electric currents.
Therefore, the topology of the magnetic field is nearly conserved
during the relaxation process.

In this paper, we apply the flux rope insertion method to
AR 10593 as observed on 2007 May 2 at 17:30 UT. The
radial field Br in the central part of the AR was derived from
a photospheric vector magnetogram obtained with SOT/SP.
The observed vector field was rotated to the local reference
frame and remapped onto the longitude–latitude grid at the
base of the 3D model. This grid has a heliocentric angular
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Figure 4. Magnetic map of AR 10953 on 2007 May 2 at 17:30 UT derived from Hinode/SOT/SP and SOHO/MDI data. The grayscale image shows the radial
magnetic field Br in the photosphere as function of longitude and latitude on the Sun (white for Br > 0, black for Br < 0). The strongest field strength in the sunspot
umbra is −2958 G. The vectors show the horizontal components of the observed magnetic field. The vectors are plotted in black or white depending on whether the
background is light or dark, and very short vectors are omitted from the plot. The white line ending with two circles refers to the selected filament path along which
the flux rope is inserted.

resolution of 0.00065 cos λ radians, where λ is the latitude
(for details see Bobra et al. 2008). In the areas outside the
SOT/SP field of view, we estimated Br from lower resolution
SOHO/MDI magnetograms, assuming the field is nearly radial.
Figure 4 shows the radial field as function of longitude and
latitude. The vectors show the observed vector field in the
local reference frame. The white line ending with two circles
refers to the selected filament path along which the flux rope is
inserted.

3.2. Modeling Results

For AR 10953 at 17:30 UT, we constructed a potential field
model and a grid of NLFFF models with different values of
axial and poloidal fluxes of the flux rope. Some of the models
we constructed converge to a NLFFF equilibrium state, while
others do not converge and the flux ropes lift off. Such “lift-off”
occurs when the overlying coronal arcade is unable to hold down
the flux rope in an equilibrium state, which happens when the
axial and/or poloidal fluxes exceed certain limits. This lift-off
is a result of the “loss of equilibrium” of the magnetic system,
and is not a numerical problem. Therefore, stable NLFFF
exists only when axial and poloidal fluxes are below certain
limits.

The time of 17:30 UT is about 2.5 hr prior to a B3.8 flare
(see Reeves et al. 2008) and 7.5 hr before the C8.5 flare. We
determine the best model for AR 10953 based on the following
two criteria: (1) this model should best fit the observed highly
sheared X-ray loops; and (2) this model should converge to a
stable solution.

3.2.1. Comparisons with X-ray Loops

To constrain the model, we select four nonpotential X-ray
loops that appeared in the XRT images at various times. The
loops are numbered 1 to 4, and are shown in the four columns
of Figure 5. These loops are marked by white and black arrows
in the top panels and represented by red lines in the bottom
panels. Loop 1 shows a clear S-shaped structure, which first
appeared in the XRT observations around 11:00 UT on May 2.
Loop 2 is a long and highly sheared loop, and showed up in
XRT observations at 15:07 UT on May 2. Both Loop 1 and
Loop 2 vanished in association with a partial filament eruption
after 16:30 UT. Loop 3 appeared around 22:31 UT and was
visible in XRT images until the C8.5 flare began (∼ 23:11 UT).
Loop 4 appeared after the filament eruption around 17:40 UT
and disappeared around 19:20 UT. Moreover, the shape of
Loop 4 is continuously evolving since its appearance in XRT.
The blue and light blue lines refer to those model field lines
that best fit the observed X-ray loops. These modeled field lines
are from different models, and the poloidal flux (Pol) and axial
flux (Axi) of the flux rope in these models are displayed in each
panel. This figure indicates that our best-fit NLFFF models show
very good fit to the observed sheared X-ray loops.

In order to find the model that best fits the observations of
a particular loop, we use the following procedure. We define
the “average deviation” (AD) between an observed loop and a
modeled field line by measuring the distance between a point
on the observed loop and the closest point on the projected
field line in the image plane, and then averaging these distances
for various points along the observed loop. This AD is in unit
of solar radii. For each model we manually select the field
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   XRT  2007 May 02  15:17:07 UT    XRT  2007 May 02  18:17:27 UT   XRT  2007 May 02  14:49:09 UT    XRT  2007 May 02  22:58:20 UT

Pol=1e10 Mx/cm

Axi=15e20 MxAxi=9e20 Mx
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Loop 1
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Figure 5. NLFFF models with different axial flux for AR 10953 vs. the observed nonpotential X-ray loops on 2007 May 2. The top panels show the four X-ray loops
observed at different times prior to the C8.5 flare. The same loops (red line) overlaid with the best-fit model field lines (blue, light blue) are shown in the bottom
panels. The axial and poloidal fluxes of each model are written on the upper part of each panel. The FOV of each panel is 0.2 R�.

line that can minimize this AD; this is the 3D field line that
best fits the observed coronal loop. Table 1 summarizes the
ADs of the best-fit modeled field lines from the observed X-ray
loops for various models of AR 10953. The left two columns of
Table 1 show the loop number and poloidal flux (Fpol) of the
model, and models with different axial flux (Φaxi) are listed
in the other columns. Table 1 is composed of four main rows,
corresponding to different X-ray loops. The three rows of the
first main row show the ADs of modeled field lines from Loop 1
for models with different Fpol. Similar information for Loops 2,
3, and 4 are shown in the second, third, and last main rows. The
ADs for the models that are marginally stable are marked with
underline in Table 1. Here “marginally stable” indicates that
after 30,000 iterations of relaxation it is still unclear whether
the model is stable or not. The ADs for the models which do not
converge and the flux ropes lifting off are marked with double
underlines in Table 1.

From Table 1 we can see that the models with axial flux of
5 × 1020 Mx, 7 × 1020 Mx, 9 × 1020 Mx, and 12 × 1020 Mx are
the best-fit models for Loop 1, Loop 2, Loop 3, and Loop 4,
respectively. The ADs of the best-fit models are written in
italics. We also found that the best-fit model for Loop 4 is
marginally stable, which is consistent with the XRT observations
of continuous evolution of Loop 4. Therefore, the result for
Loop 4 will not be considered to determine the best-fit model
for AR 10953. The comparisons with Loops 1, 2, and 3 indicate
that the best-fit model for AR 10953 has an axial flux of
(7 ± 2) × 1020 Mx. Table 1 also shows that the poloidal flux in
the best-fit models is 1 × 1010 Mx. However, for most models,
the difference between the ADs of the models with different
order of magnitudes of poloidal flux are often within the error
bars. This indicates that the poloidal flux of the best-fit model
has a much wider range, i.e., the XRT observations do not
provide strong constraints on the poloidal flux. Table 1 also
shows that the upper limit on the axial flux for stable force-free
configurations is 15 × 1020 Mx.

Table 1
AD of the Model Field Lines from the Observed X-ray Loops for Various

Models of AR 10953 at 17:30 UT on 2007 May 2

Loop Fpol (1010 Mx cm−1) Φaxi (1020 Mx)

5 7 9 12 15

AD ± 0.2 (10−3 Rsun)

0.1 2.8 3.2 5.3
Loop 1 1 1.7 2.0 2.5 3.1 5.6

10 2.7 2.8 3.4

0.1 2.2 2.4 2.6
Loop 2 1 3.5 2.2 2.4 2.6 3.1

10 3.7 2.4 2.7

0.1 1.9 1.3 1.7
Loop 3 1 3.9 1.8 1.3 1.8 2.4

10 3.7 1.8 1.9

0.1 4.4 3.2 2.0
Loop 4 1 6.7 4.7 3.4 2.0 1.2

10 5.8 5.3 3.8

3.2.2. Comparisons with Observed Vector Fields

Figure 6 shows a comparison of modeled horizontal field
(black arrows) and the horizontal field derived from the
SOT/SP observations (blue arrows). This figure shows only a
small region of the Southeastern quadrant of the sunspot penum-
bra (see Figure 4). This is where the largest deviations from
the potential field model occur. Figure 6(a) shows the poten-
tial field, while Figures 6(b)–6(d) show NLFFF models with
fixed poloidal flux but different axial flux, which are marked
on the top of each panel. From Figure 6 we can see that
all of the three NLFFF models show much better fit to the
observations than the potential field model. The error of the
azimuth angle (i.e., the average angle between the modeled
and observed vectors) weighted by the square of the observed
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Pol=1e10    Axi=15e20Pol=1e10   Axi=9e20

Pol=1e10     Axi=5e20Potential Field

(d)

(a) (b)

(c)

Figure 6. Comparison of observed (blue, SOT/SP) and modeled (black) vector magnetograms. The FOV of each panel is marked by a white box in Figure 4. The
model in panel (a) is a potential field model, while the models in panels (b)–(d) are three NLFFF models with fixed poloidal flux but different axial flux, which are
written on the top of each panel.

horizontal field in each panel has been calculated. The azimuth
errors in Figures 6(a)–6(d) are 26◦.10, 15◦.73, 13◦.88, and 13◦.82,
respectively. This result appears to suggest that the NLFFF
model with higher axial flux fits the observed vector fields
better, but the differences between the azimuth errors for the
three NLFFF models are not significant. The azimuth errors
are much larger than the measurement errors. Therefore, the
present models do not provide an accurate fit to the vector field
data.

4. DISCUSSION AND INTERPRETATION

Figure 7 shows the results of one of the best-fit models
for Active Region 10953 at 17:30 UT. The blue lines in

Figures 7(a)–7(b) are selected model field lines within the
flux rope that best fit the observed X-ray Loops 1, 2, and 3.
Figure 7(c) shows the distribution of the radial electric current
density jr at a height of 6.3 Mm above the photosphere; the
currents flow upward on the eastern side of the flux rope
(jr > 0) and downward on the western side (jr < 0).
Figure 7(d) shows a vertical cross section of the flux rope along
the yellow line shown in Figure 7(c); the center of the flux rope
is located at s = 30, z = 15 (cell units). The grayscale image in
Figure 7(d) shows the component of the current density parallel
to the flux rope. The circular white region shows that the currents
are concentrated at the edge of the flux rope, i.e., they have a
hollow core distribution. In the gray central part of the flux
rope the field lines are parallel to the PIL, and therefore highly
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Figure 7. Results for one of the best-fit NLFFF model (Pol=1e10 Mx/cm, Axi=9e20 Mx) for Active Region 10953 at 17:30 UT on 2007 May 2. (a) XRT image at the
flare onset overlaid with red and green contours representing positive and negative polarities. (b) A side view of (a). The FOV of (a) and (b) is 0.2 R�. (c) Distribution
of radial component of current density, jr (x, y, 14). (d) Hollow core distribution of electric currents in a vertical cross section of the flux rope. The location of the
vertical plane is shown by the yellow line in panel (c). The white region refers to the current layer, and a possible RS at the flare onset is marked by a red star. The
white circles represent the crossing point of the model field lines and the yellow line in panel (c). The color lines in panels (a) and (b) and the white lines in panels
(c) and (d) refer to the selected model field lines. The field line marked by black arrows refer to one of the best-fit model field lines for a nearly potential flare loop,
which appears at the flare onset.

sheared compared to the potential field, but nearly untwisted
because there is no current in this region. In the white region the
direction of the magnetic field changes from parallel to the PIL
on the inside of the flux rope to perpendicular to the PIL on the
outside. The coronal arcade overlying the flux rope is close to a
potential field.

The pink line in Figures 7(a)–7(b) is the modeled field
line that best fits the nearly unsheared X-ray loop observed
at the onset of the C8.5 flare. The side view in Figure 7(b)
indicates that this pink line overlies the other three field lines.
Figure 7(d) shows that this field line is located just beyond
the outer edge of the flux rope where the magnetic field is
nearly unsheared and the current density is small. Therefore,
the observation of an unsheared loop so close to the flux rope
confirms that the magnetic shear falls off rapidly with distance
from the outer edge of the flux rope, as assumed in the present
model. We conclude that the electric currents in AR 10953 are
concentrated in a relatively thin shell at the outer edge of the flux
rope, not on the flux rope axis. A similar result was found by
Bobra et al. (2008) for two other active regions.

Su et al. (2007a) classified flares according to the degree of
shear of the flare footpoints. They showed that for most Type I
(ejective) flares the initial flare brightenings are highly sheared
with respect to the PIL, indicating that the reconnection site
(RS) responsible for particle acceleration and heating initially
lies somewhere inside the highly sheared magnetic field. Later
during the flare the shear angle usually decreases. In contrast,
Type II (confined) flares do not have highly sheared footpoint

brightenings, and have no obvious shear change during the flare.
The C8.5 flare considered here appears to start as a Type II
flare because the X-ray loop observed at flare onset is nearly
unsheared and apparently located just beyond the outer edge of
the flux rope.

The fact that the observed X-ray loop is located outside the
flux rope suggests that the flux rope is initially not the main
source of energy for the flare. Su et al. (2007a) discussed three
possible models for the initiation of Type II flares: emerging (or
evolving) flux model; (resistive) kink instability; and confined
explosion of a sheared bipole. In the last case one would expect
that the reconnection first occurs inside or below the flux rope
(Moore et al. 2001). Then the newly reconnected loop should
be highly sheared and close to the PIL, which is contrary to our
observations of the C8.5 flare. We also did not find any evidence
to support the (resistive) kink instability model. Therefore, we
focus our attention on the emerging or evolving flux model.
This model was first proposed by Heyvaerts et al. (1977), who
suggested that solar flares occur when loops of flux emerge from
below the photosphere and interact with the overlying field.
During the preflare heating phase, continuous reconnection
occurs in the current sheets that forms between the new and
old flux. Waves that radiate from the ends of the current sheet
heat the plasma that passes through them and causes an increase
in soft X-ray emission. This model has been generalized to give
an Interacting Flux Model with either vertically emerging flux
or horizontal spot motions (Priest & Forbes 2002). Interacting
flux can show up in many ways, such as the motion of pores
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(Raadu et al. 1988), of emerging flux (Simon et al. 1984;
Rust et al. 1994) and of cancelling magnetic features (Martin
et al. 1985; Wang & Shi 1993).

No large-scale flux emergence was evident in AR 10953 in
a long-term movie of MDI magnetograms (May 1 to May 3).
However, many moving magnetic features can be seen around
the sunspot, and cancelling features are present near the PIL.
Therefore, we speculate that at the flare onset magnetic recon-
nection occurred between two or more loops located somewhere
near the outer edge of the flux rope (a possible RS is marked as
a red star in Figure 7(d)), resulting in the direct heating of the
observed X-ray loop. Although only one X-ray loop is visible
in XRT at this stage, we suggest that the observed feature may
consist of multiple reconnected (and heated) loops, or that one
of the newly formed loops is denser than the others. Initially
the flare involved only the magnetic field of these reconnecting
loops, but after about 10 or 20 minutes the reconnection spread
to the outer parts of the flux rope, triggering the release of a
much larger amount of energy stored in the flux rope. There-
fore, the main phase of the flare involved reconnection inside
the flux rope. This scenario is consistent with the fact that dur-
ing the main phase of the flare the EUV footpoint brightenings
are highly sheared, as expected for reconnection occurring in a
highly sheared magnetic field. In summary, we suggest that the
initial phase of the C8.5 flare may have been caused by inter-
actions of weakly sheared loops near the outer edge of the flux
rope, but during the main phase of the flare the reconnection in-
volved the inner parts of the flux rope, which are highly sheared.

As shown in Section 2.2, the X-ray brightenings (in both
RHESSI and XRT) appeared about 20 minutes earlier than the
TRACE EUV flare brightenings, which showed up associated
with a filament activation. XRT observations show that these
early X-ray brightenings appear to be two bright short ribbons
connected with a nearly potential loop, i.e., a loop that follows
more or less the direction of the potential magnetic field. The
RHESSI spectral fitting suggests that the pre-EUV X-ray sources
are dominated by thermal emission from an isothermal hot
plasma with a temperature higher than 10 MK. This result is
consistent with the absence of detectable hard X-ray emission
(> 25 keV) prior to the onset of the EUV flare.

It is known that there are mainly two kinds of mechanisms
for the EUV footpoint brightenings: thermal conduction from
the reconnected loops, and direct bombardment of the lower
atmosphere by accelerated particles from the RS (Fletcher &
Hudson 2001). The second EUV brightening mechanism can be
excluded at the early phase of this flare, because of the absence
of accelerated particles indicated by the X-ray observations.
However, the hot X-ray sources suggest that there are direct
heating in the lower corona probably due to reconnection.
The question is why no EUV brightenings were observed
corresponding to the long-lasting (∼20 minutes) hot X-ray
sources? One possibility is that at the pre-EUV X-ray flare
phase, the thermal conduction from the corona was suppressed
due to some unknown reasons, plus the energy released at
this phase is also very low. Therefore, almost no energy was
propagated to the chromosphere through thermal conduction to
produce EUV brightenings.

5. CONCLUSIONS

Using the flux rope insertion method, we constructed a series
of NLFFF models for AR 10953 prior to a B3.8 and a C8.5
flare on 2007 May 2. The models are created mainly based
on the radial field derived from magnetograph data provided by

Hinode/SOT/SP and SOHO MDI, and an Hα filament observed
by KSO. By comparisons with four X-ray loops observed by
Hinode/XRT, we find that the axial flux of the flux rope in the
model is well constrained by Loops 1, 2, and 3, while Loop 4
may be in a nonstable state.

By comparisons with the observed X-ray loops, we find
that the axial flux of the flux rope in the best-fit model is
(7 ± 2) × 1020 Mx, while the poloidal flux has a wider range,
i.e., (0.1–10) × 1010 Mx cm−1. The axial flux in the best-fit
model is well below the upper limit (∼15 × 1020 Mx) for
stable force-free configurations, which is consistent with the
fact that no successful full filament eruption occurred in this
active region. The magnetic free energy in one (Φaxi = 7 ×
1020 Mx, Fpol = 1×1010 Mx cm−1) of the best-fit models is
8.5 × 1031 erg, which is about 10% of the potential energy
(9.6 × 1032 erg). This amount of free energy is sufficient to
power a B3.8 flare and a C8.5 flare.

The interior of the flux rope in the best-fit model is highly
sheared and weakly twisted. The electric current is concen-
trated at the edge of the flux rope, not on the axis (i.e., the
highly sheared field region). This hollow core distribution is a
consequence of the fact that the flux rope in this model is only
weakly twisted, which is consistent with the finding by Bobra
et al. (2008).

By comparisons of observed and modeled photospheric vec-
tor magnetograms, we find that our NLFFF models show much
better fit to the observed vector fields than the potential field
model. However, the azimuth errors (i.e., the average angle be-
tween the modeled and observed vectors) in the NLFFF models
are about 15◦, which is large compared to the measurement
errors. There is no significant difference in the goodness-of-fit
to the observed vector fields for the NLFFF models that we
constructed. This poor fit is not surprising, since our models are
mainly constrained by the observed X-ray loops, and no attempts
was made to fit the observed vector field. Our best-fit model
matches the observed loops well, but not the observed vector
field. The flux rope insertion method is quite unlike the other
kind of methods (Schrijver et al. 2008), which construct NLFF
fields by extrapolating observed photospheric vector fields into
the corona. These methods are mainly constrained by the photo-
spheric vector fields, and Schrijver et al. (2008) found that even
the best-fit model provides a rather poor match to the observed
coronal loops. Therefore, our future goal of NLFFF reconstruc-
tions should be combining these two type of methods, and to
produce models that provide a good fit to both the observed
photospheric fields and the coronal fields (X-ray loops).

Two interesting observations are found in the C8.5 flare.
The first one is that this flare started from nearly unsheared
brightenings and loop, unlike most two-ribbon flares which
begin with highly sheared footpoint brightenings as shown in
Su et al. (2007a). By comparing with our NLFFF model, we
find that this early flare loop is located above but very close to
the outer edge of the flux rope. This flare is interpreted in the
context of the Interacting Flux Model (Priest & Forbes 2002).
We suggest that this flare may start near the outer edge of the
flux rope, not at the inner side or at the bottom as suggested
in the standard two-ribbon flare model (e.g., Moore et al.
2001).

Another interesting observation is that the X-ray brighten-
ings (in both RHESSI and XRT) appeared about 20 minutes
earlier than the EUV brightenings, which showed up associated
with a filament activation. Our analysis suggests that the soft
X-ray emission may be caused by direct coronal heating due to
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reconnection. The energy transported to the chromosphere may
be too low to produce EUV brightenings.
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